Observational and evolutionary studies of neutron star X-ray binaries by Lin, Jinrong, Ph. D. Massachusetts Institute of Technology
Observational and Evolutionary Studies of Neutron Star
X-ray Binaries
by
Jinrong Lin
M.S. Physics
Tsinghua University (2005)
Submitted to the Department of Physics
in partial fulfillment of the requirements for the degree of
Doctor of Philosophy
at the
MASSACHUSETTS INSTITUTE OF TECHNOLOGY
September 2011
@ Jinrong Lin, MMXI. All rights reserved.
The author hereby grants to MIT permission to reproduce and distribute publicly
paper and electronic copies of this thesis document in whole or in part.
Author..... .I....................................................................-
Department of Physics
July 15, 2011
Certified by..... UJ
Certified by......
Deepto Chakrabarty
Professor of Physics
Thesis Supervisor
Saul Rappaport
Professor Emeritus of Physics
Thesis Co-Supervisor
Accepted by.........
'-4 Krishna Rajagopal
Professor of Physics
Associate Department Head for Education
2
Observational and Evolutionary Studies of Neutron Star
X-ray Binaries
by
Jinrong Lin
Submitted to the Department of Physics
on July 15, 2011, in partial fulfillment of the
requirements for the degree of
Doctor of Philosophy
Abstract
In this thesis, we present our observational and evolutionary studies of neutron stars
in X-ray binary systems. A variety of topics are discussed, which are all related
by a single scientific theme, namely, helping to set constraints on the mass-radius
relation of neutron stars, and hence on their equations of state (EOS). In Chapter 1
we review the current neutron star masses M and radii R measurement techniques
utilizing the X-ray observation of neutron stars in binaries. These techniques fall into
two categories: timing and spectral analysis. In Chapter 2 we present our spectral and
timing analysis of 4U 2129+47. We show that 4U 2129+47 might be in a hierarchical
triple system. The source has been dropping into deeper quiescence during the last
decade. The absence of the power-law hard tail in its X-ray spectrum make it a good
candidate for measuring neutron star radius. In Chapter 3 we present our analysis
of EXO 0748-676. We show that the previously reported narrow absorption lines
are inconsistent with the detected high amplitude of the 552 Hz burst oscillations.
In Chapter 4 we present our semi-numerical method of evaluating the significance
of burst oscillations. With this method, we searched 1187 archived RXTE Type-I
X-ray bursts for high frequency oscillation modes. In Chapter 5, we present our
evolutionary study of the most massive neutron star that has been recently found:
PSR J1614-2230. The study has been carried out with the recently developed star
evolution code "MESA". We We have computed an extensive grid of binary evolution
tracks to represent low- and intermediate-mass X-ray binaries (LMXBs and IMXBs).
The general results will be presented in Chapter 6.
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Chapter 1
Introduction
The idea of a neutron star was first proposed (Baade & Zwicky, 1934) shortly after
the discovery of the neutron by Chadwick in 1930. It had been no more than a
scientific hypothesis until the discovery of the first radio pulsar in the late 1960s
(Hewish et al., 1968). With a typical mass M on the order of 1.4 solar masses (MD),
a radius R of - 10 km, and a central number density n as high as a few times
the nuclear density no _ 0.16 fm-3 of neutrons and protons found in laboratory
nuclei, a neutron star is one of the densest objects in our universe (see, e.g., Baym &
Pethick, 1975, 1979; Heiselberg & Pandharipande, 2000; Lattimer & Prakash, 2004).
Studies of neutron stars are motivated by the question "how does matter behave
under extremely high densities". This simple question has profound consequences in
quantum chromodynamics (QCD). The equation of state (EOS) of ultra-dense matter
is still poorly known, and completely new states of matter (such as deconfined quarks
or color superconducting phases) may emerge at the very high densities that occur in
neutron star interiors. This ultra-dense regime cannot be probed in the laboratory,
but its properties manifest themselves in the mass-radius (M-R) relation of neutron
stars (Lattimer & Prakash, 2004). Figure 1-1 shows the mass-radius (M-R) curves
for neutron stars with various EOSs. Accurately measuring neutron star masses and
radii would efficiently narrow down the possibilities.
1.1 Neutron Star X-ray Binaries
Today, the majority of neutron stars that is known to be emitting X-rays are detected
in binary systems. The most common neutron star binary systems are Low Mass
X-ray Binaries (LMXBs), binary systems consisting a normal low mass (< 1MO)
companion star and a compact object, either a neutron star or black hole. In this
thesis, we only consider the systems with neutron star primaries. There are several
cases where X-ray emission can be detected in such a system:
X-ray emission can be detected during mass transfer. There are two kinds of mass
transfer in X-ray binaries: wind accretion and Roche-lobe overflow. Wind accretion
occurs when the companion is losing mass in a stellar wind and the primary captures
some of the wind. Since such accretion requires a sufficiently dense stellar wind that
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Figure 1-1. Mass-radius diagram for neutron stars. Black (green) curves are for
normal matter (SQM) equations of state. Regions excluded by general relativity
(GR), causality, and rotation constraints are indicated. Contours of radiation radii
ROO, the radius measured by an observer at infinity, are given by the orange curves.
This figure is adapted from Fig. 2 by Lattimer & Prakash (2004).
usually only takes place in high-mass x-ray binaries, we will not discuss it in this
thesis, since our work primarily focus on the LMXBs. In the other case, when the
radius of the companion star reaches the inner Lagrange point (also called the first
Lagrange point), Roche-lobe overflow begins. There are two physical situations which
may cause the companion star to fill its Roche lobe: either the radius of the companion
star increases as a result of stellar evolution, or the binary orbit shrinks during binary
evolution. Once the companion star fills its Roche lobe, it loses mass through the first
Lagrangian point. Carrying a significant quantity of angular momentum, the material
forms an accretion disk in the plane of the binary orbit and eventually flows to the
neutron star (Figure 1-2). Whether or not the accretion disk can extend to the surface
of the neutron star depends on the strength of the neutron star's magnetic field. If
the magnetic field is strong enough at some disk radius to dominate the accretion flow
ram pressure, the disk will be truncated and matter is channelled along the magnetic
field lines to the neutron star's magnetic poles. If the magnetic field is weak enough,
the disk will extend down to the surface of neutron star, forming a boundary layer.
X-ray emission can be detected from both the disk and the boundary layer when the
14
Figure 1-2. An illustration of an Low Mass X-ray Binary. The system contains a
1 M0 star orbiting a 1.4 M® neutron star. The figure is adapted from the program
binsim written by R. Hynes (http://www.phys.lsu.edu/ rih/binsim/).
neutron star is actively accreting. Such emission is called accretion-powered X-ray
emission.
If the accretion rate is higher than certain level Mcrit 900 (z )'1/ g cm-2 51
the accreted layer can undergo stable nuclear burning. Here, ZCNO denotes the the
mass fraction of carbon, nitrogen, and oxygen. If the neutron star is accreting at the
rate that is lower than this critical rate, accreted material will build up on the surface
of the neutron star. Once the accumulated material reaches a critical temperature and
density, unstable nuclear burning can be triggered (see, e.g., Strohmayer & Bildsten,
2006, for a review). A hot spot will be temporarily present on the surface of neutron
star at the ignition point. This burning front quickly spreads over (- 10 s) the whole
surface of the neutron star and results in a thermonuclear (type-1) X-ray burst. Such
bursts are sometimes called "nuclear powered" X-ray emission. The burst usually
lasts for tens of seconds, with a rapid rise and exponential decay. The spectra of
thermonuclear bursts are well-described by a blackbody. When the luminosity of the
burst is less than the Eddington limit (where radiation pressure exceeds gravity), the
emission is directly from the surface of the neutron star. Otherwise, the radiation
pressure will be greater than the gravitational attraction of the neutron star and the
photosphere of the neutron star will expand. Such bursts are called radius-expansion
15
bursts. The Eddington luminosity for a spherical geometry is given by:
LEdd = 4wGMmPc 1.3 x 1038(M/M) ergs 1  (1.1)
0~T
where my is the proton mass, oT is the Thomson cross-section, and M is the neutron
star mass.
If the neutron star is in quiescence, a phase with no accretion or only very low
level accretion, there are several energy sources for the X-ray emission: accretion at a
low rate (van Paradijs et al., 1987; Menou et al., 1999), re-emission of heat deposited
into the crust during accretion events (Brown et al., 1998), and possible interaction
between the pulsar wind and the residual accretion disk (Campana et al., 1998). The
first two models explain the thermal X-ray emission often observed during quiescence,
while the third model accounts for the power-law emission component that is often
observed. In the second model, heat produced during nuclear reactions occurring
deep in the crust during the actively accreting phase is deposited in layers that are
in close thermal contact with the neutron star core. These reactions thus heat the
neutron star core to a temperature of ~ (5 - 10) x 107 K on time scales of ~ 104
years. Thus, even when accretion halts, thermal emission is still observed due to the
hot core, which contributes a large fraction of the neutron star quiescent flux with
typical luminosity ~ 1033 erg s-'. The thermal component of the quiescent emission
is directly from the surface of the neutron star.
1.2 Neutron Star Mass and Radius Measurements
in LMXBs
X-ray emission from LMXBs can be utilized to constrain the neutron star M-R re-
lation. The masses of neutron stars in binary systems can sometimes be measured
based on analysis of binary motion (see Thorsett & Chakrabarty, 1999, for a review);
the observational parameters are related to the neutron star and the companion star
masses mi and m 2 through the mass function:
(i sin i) 3  47 2 (a2 sin i) 3  (1.2)fi = = (1.2)_
(mi + m 2)2  G P2
where a2 sin i is the projected semi-major axis of the companion, and P is the or-
bital period. While the orbital period can usually be accurately measured, there are
uncertainties in the inclination angle i and the mass of the companion star m2. In
some rare cases, the inclination angles can be constrained in eclipsing sources, and the
spectroscopic studies of the companion stars can reduce the uncertainty in m 2. Most
neutron star masses measured by this method were around - 1.35M 0 . More recently,
the mass of PSR J1614-2230 has been measured to be 1.97 ± 0.04 M0 , utilizing the
Shapiro delay technique, making it the most massive pulsar known to date (Demorest
et al., 2010).
While there is a reasonably well measured sample of neutron star masses, accu-
16
rately measuring neutron star radii is difficult. There are several ways to measure
neutron star radii utilizing X-ray emission. They fall into two categories:
Spectral analysis:
1. Constraining M/R from the gravitational redshift of spectral lines during ther-
monuclear X-ray bursts (type-I) (van Paradijs, 1982; Ozel, 2006);
Known spectral features observed from the surface of neutron stars can be
compared with their intrinsic energies in the laboratories, in order to obtain
the gravitational redshift z. This gravitational redshift is determined by the
property (M/R) of the neutron star:
2GM
z = (1 -) - 1 (1.3)
Rc2
where G is the gravitational constant and c is the speed of light. So M/R can be
calculated from the observed gravitational redshift z. Certain line-broadening
effects can in principle allow separate determination of M and R.
2. Constraining R from spectral analysis of transiently accreting neutron stars in
quiescence (Brown et al., 1998; Rutledge et al., 1999, 2001), when the distance
to the source d is known.
In quiescence, at accretion rates < 1012 g s-1, the accreting metals gravi-
tationally settle faster than they are supplied, and the atmosphere is nearly
pure hydrogen (Bildsten et al., 1992). Hence for weakly magnetic (< 1010 G)
transiently accreting NSs, thermal hydrogen atmosphere spectrum is more ap-
propriate than a blackbody spectrum (Brown et al., 1998). When the effective
temperature is low (Teff < 5 x 10' K), free-free absorption dominates the opacity,
which results in a spectrum in which higher energy photons escape from deeper
in the NS atmosphere, where the temperature is higher (Pavlov & Shibanov,
1978; Zavlin et al., 1996). Therefore, the real emission area is larger than that
predicted by blackbody radiation. The thermal component of the quiescent
emission can be well fitted with a hydrogen atmosphere model (Zavlin et al.,
1996; Heinke et al., 2006). If the distance to the source is known, the radius R
of the neutron star can be obtained from this spectral fitting.
3. Constraining radius-to-distance ratio (R/d) from spectral evolution of the type-
I X-ray bursts (van Paradijs, 1982; Sztajno et al., 1985; London et al., 1986;
Madej, 1991; Lewin et al., 1993; Giver et al., 2010a,b);
Due to the uncertainty in the distance of the X-ray sources, the radius-to-
distance ratio R/d is measured instead. During Type-I X-ray bursts, the ef-
fective temperature is high (Teff > 107 K) so Compton scattering significantly
changes the shape of the high energy tails of the spectra (London et al., 1984).
Low energy photons are scattered to higher energy, resulting in an apparent
"color temperature" that is higher than the true effective temperature, which
also results in underestimation of the emitting area . By doing a proper "color
17
Table 1.1. X-ray Millisecond Pulsars
Source Name vspin (Hz) Reference
4U 1608-52 619 N Hartman et al. (2003)
GS 1826-238 611 N Thompson et al. (2005)
SAX J1750.8-2900 601 N Kaaret et al. (2002)
IGR J00291+5934 598 A Markwardt et al. (2004)
X 1743-29 589 N Strohmayer et al. (1997a)
4U 1636-53 581 N Strohmayer et al. (1998)
MXB 1659-298 567 N Wijnands et al. (2001)
EXO 0748-676 552 N Galloway et al. (2010)
Aql X-1 549 N Zhang et al. (1998)
A 1744-361 530 N Bhattacharyya et al. (2006)
KS 1731-260 524 N Smith et al. (1997)
XTE J1751-305 435 A Markwardt et al. (2002)
SAX J1748.9-2021 410 N Kaaret et al. (2003)
SAX J1808.4-3658 401 AN Wijnands & van der Klis (1998)
HETE J1900.1-2455 377 A Morgan et al. (2005)
4U 1728-34 363 N Strohmayer et al. (1996a)
4U 1702-429 330 N Markwardt et al. (1999)
XTE J1814-338 314 AN Markwardt & Swank (2003)
4U 1916-05 270 N Galloway et al. (2001)
XTE J1807.4-294 191 A Markwardt et al. (2003)
XTE J0929-314 185 A Galloway et al. (2002)
Note. - This table is adapted from Table. 1 by Lamb & Boutloukos (2008). The table lists
the known X-ray Millisecond Pulsars. Spin frequencies inferred from periodic X-ray oscilla-
tions. "A" denotes the accretion-powered millisecond pulsar. "N" denotes the nuclear-powered
millisecond pulsar.
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correction", we can in principle obtain the true effective temperature. In order
to measure R/d, we also need to identify the instant when the emitting area
covers the entire surface of the neutron star. In the case of the bright bursts,
the local X-ray luminosity in the atmosphere may reach the Eddington limit,
so that the photospheric layers can lifted off the surface of the neutron star
by radiation pressure. These bursts are called photospheric radius expansion
(PRE) bursts. The moment when the photosphere falls back to the neutron
star surface is called "touchdown", when the blackbody temperature attains
its highest value (see, e.g., Strohmayer & Bildsten, 2003; Galloway et al., 2008;
Giiver et al., 2010a, for overviews). The normalization R/d of the blackbody
measured at the moment should reflect the surface area of the neutron star.
For non-PRE bursts, sometimes a spreading burning front (increasing hot spot
area) can be seen by looking at the spectral evolution of the burst. When the
emitting area reaches a maximum value, the emission is interpreted as arising
from the whole surface of the neutron star. R/d can thus be measured in these
non-PRE bursts as well.
Timing analysis:
1. Constraining M - R relation from the upper limit of neutron star spin frequen-
cies.
A pulsar is considered a millisecond pulsar (MSP) if its spin frequency is larger
than 100 Hz. Periodic accretion-powered X-ray oscillations have been detected
at the spin frequencies of 7 neutron stars with millisecond spin periods. These
spin frequencies could be detected in the persistent emissions. Periodic nuclear-
powered X-ray oscillations have been detected during the thermonuclear bursts
of 17 accreting neutron stars in LMXBs, including 2 of the 7 known accretion-
powered MSPs (see Lamb & Boutloukos, 2008, for an overview). Table. 1.1
shows a list of known accretion- and nuclear-powered X-ray millisecond pulsars.
These spin frequencies and the above discussed kHz QPOs were all detected by
timing analysis of X-ray time series, utilizing Fourier transform techniques.
Theoretically, the maximum spin rate of a NS is its centrifugal breakup fre-
quency, set by the mass M and radius R of the neutron star. Cook et al. (1994)
computed the neutron star breakup frequency 1 max oc (GM/R3 ) for a wide
range of plausible EOS, finding vmax ~ 1400 - 2500 Hz. However, the analysis
of a sample of 11 X-ray-measured spin frequencies in the range 270 - 619 Hz
suggests a limiting spin rate near 760 Hz, which is much less than the neutron
star breakup frequency (Chakrabarty et al., 2003). This suggests that some
physical process, possibly gravitational radiation, limits the maximum possible
neutron star spin rate. Recently, a spin frequency of 1122 Hz was reported for
the source XTE J1739-285 in one of six archived Type-I X-ray bursts. How-
ever, the statistical significance of this detection was low. If confirmed, this
oscillation frequency would suggest that XTE J1739-285 contains the fastest
rotating neutron star ever found.
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2. Pulse shape modeling of hot spot emission
As one of the most compact objects in our universe, a NS would distort the emis-
sion from its surface by its own strong gravitational field. Observers would be
able to see the emission not only from the facing hemisphere of a NS. Therefore,
gravitational selflensing by the NS would suppress the amplitude of any observed
oscillations. This effect set by the ratio of mass to radius, M/R (Pechenick et al.,
1983; Miller & Lamb, 1998; Strohmayer et al., 1998). Additionally, the pulse
shape of the oscillations is affected by the NS rotational velocity, Vrot OC Rvspia
(Braje et al., 2000; Weinberg et al., 2001; Muno et al., 2002), where the NS spin
frequency Vspin can be determined by the Fourier techniques. The pulsed surface
emission encodes information about the NS structure. Therefore, modeling of
high signal-to-noise pulse profiles can be used to constrain M and R separately
(Strohmayer, 2004).
1.3 X-ray Observational Instruments
As discussed, most methods that constrains the M-R relation falls into two categories:
X-ray spectral analysis and X-ray timing analysis. Such study can not be carried
out without space X-ray Observatories. Different X-ray instruments are designed
to satisfy different scientific purposes. Some were designed to catch short flashing
events (RXTE, SWIFT, etc.); some are designed to perform high quality imaging and
spectroscopic analysis (Chandra, XMM, etc.); some are designed for high resolution
timing analysis (RXTE). Here we list the instruments that are relevant to our work.
1.3.1 The Chandra X-ray Observatory
The Chandra X-ray Observatory (CXO), formerly known as the Advanced X-ray
Astrophysics Facility (AXAF), was one of the four NASA Great Observatories. It
was launched on 1999, July 23 by the Space Shuttle Columbia. The highly elliptical
orbit, with a period of 63.5 hours, yields a high observing efficiency. More than 70%
of the time is useful. A diagram of the observatory with major components labeled
is shown in Figure 1-3.
Chandra's X-ray subsystems consist the High Resolution Mirror Assembly (HRMA),
the objective transmission gratings, and the focal-plane science instruments.
HRMA is one of Chandra's greatest technological achievements. It comprises four
nested grazing-incidence X-ray mirrors with a focal length of ~ 10 m. The mirrors
are polished to extremely high precision, resulting a point spread function (PSF) of
0".5 FWHM. The mirrors are coated with iridium to maximize the X-ray reflectivity
of the mirror surfaces, resulting in effective areas of (800, 400, 100) cm 2 at (0.25, 5.0,
8.0) keV.
The objective transmission gratings consists of the Low-Energy Transmission
Grating (LETG) and the High-Energy Transmission Grating (HETG). LETG pro-
vides high resolution spectroscopy from 0.08 to 2 keV, and HETG provides high
resolution spectroscopy from 0.4 to 4 keV (MEG) and from 0.8 to 8 keV (HEG).
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Figure 1-4. Diagram of the XMM-Newton payload. The X-ray telescopes, two with
Reflection Grating Arrays, are visible at the lower left. The focal instruments are
shown at the right end of the assembly: The EPIC MOS cameras (green), the EPIC
pn camera (violet), and RGS (orange). The black box at the bottom of the bus is
the outgassing device. Figure courtesy of Dornier Satellitensysteme GmbH and the
European Space Agency (ESA).
field of view results in a time resolution of 2.6 s, while the timing uncompressed mode
has a time resolution of 1.5 ms. In March 2005, a likely micrometeorite impact caused
the electronics of MOSI CCD6 to fail and stop providing science data. Furthermore,
The EPIC MOS detectors' energy resolution decreased by ~ 13% since launch due to
the increase in their charge transfer inefficiency (CTI).
The third X-ray telescope has an unobstructed beam; the EPIC instrument at the
focus of this telescope uses pn CCDs and is referred to as the pn camera. It operates
over the energy range from 0.15 to 15 keV and has an ~ 30' field of view just as the
EPIC MOS detectors. The EPIC pn has relatively high time resolution; 73.4 ms in
full-frame mode and 7 ps in burst mode. However, the burst mode only provides a
one-dimensional image and has a low (3%) duty cycle. The energy resolution of EPIC
pn is moderate (E/AE ~ 50 - 130), and it has not been affected by the increased
CTI effects.
Only two of the mirror modules are equipped at their exit with reflection grat-
ing arrays. With the associated cameras, they are part of the Reflection Grating
Spectrometer (RGS) component of the XMM-Newton mission. RGS provides high
resolution (E/AE ~ 100 - 500) over the energy range from 0.33 to 2.5 keV.
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that no further degradation in performance has been encountered. As a result of a
contaminant which has condensed on the optical blocking filter, there has also been a
reduction in the X-ray especially at low energies (E < 1.5 keV). Calibration products
are now available to correct for these time- and energy-dependent effects.
The ACIS detectors have a time resolution of 3.2 s when operating in full-frame
imaging modes. Over a single frame integration, if there are more than one X-ray
incident events on a given pixel, it will register as a single event of higher energy
or possibly of dubious grade. If the former case happens, the spectrum would be
distorted. It will deplete the low-energy regime and populate the high-energy regime
with incorrectly-energy-tagged events. These events could be assigned grades that are
supposed to be filtered out in standard processing. Such effects are called "pileup" ef-
fects. Therefore, often when observing bright sources, if spectra take the priority over
images, subarrays or an intentional offset would be proposed. ACIS-S was frequently
utilized to carry out observations of quiescent LMXB neutron star spectra.
1.3.2 The X-ray Multi-mirror Mission (XMM-Newton)
Originally known as the High Throughput X-ray Spectroscopy Mission, XMM-Newton
is one of the European Space Agency's "cornerstone" missions. It was launched from
the Guiana Space Centre at Kourou on 10 December 1999 by an Ariane 5 rocket.
XMM-Newton was placed in a very eccentric 48 hour elliptical orbit. It holds three
X-ray telescopes, each of which contains 58 Wolter-type concentric mirrors. The
three X-ray telescopes are optimized to provide images with high effective area and
moderate spatial resolution. The thin 0.47-1.07 mm mirror shells are held in place
by radial struts. Each telescope has an entrance and exit baffle to minimize stray
light contamination and regulate the thermal environment of the instruments. The
diameter of the largest mirror on each of the telescopes is 70 cm. The telescopes
have focal length of 7.5 m. The resulting effective area is highest with the EPIC pn
detector: 1400 cm 2 at 1.5 keV and 600 cm 2 at 8.0 keV. There are five unique X-ray
focal plane instruments that can perform simultaneous observations. A diagram of
the XMM-Newton telescopes and instruments is presented in Figure 1-4.
The mirror modules sends the image beam along the telescope tube to five cameras
at the extremity of the spacecraft. At the prime focus of each of the telescopes, behind
six-position filters, are three European Photon Imaging Cameras (EPIC). Two of the
cameras are Metal Oxide Semi-conductor CCD arrays (EPIC MOSI and MOS2) .
They are installed behind two of the X-ray telescopes that are equipped with the
gratings of the Reflection Grating Spectrometers (RGS). The gratings divert about
half of the telescope incident flux towards the RGS detectors such that (taking struc-
tural obscuration into account) about 44% of the original incoming flux reaches the
MOS cameras. The EPIC MOS arrays have circular fields of view with diameters of
30'. They operate in the energy range from 0.15 to 15 keV with moderate energy res-
olution (E/AE ~ 20 - 50) and angular resolution (PSF, 6" FWHM). All EPIC CCDs
can operate in photon counting mode with a fixed, mode dependent frame read-out
frequency, producing event lists, listing attributes of the events such as the position
at which they were registered, their arrival time and their energies. Using the full
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Figure 1-4. Diagram of the XMM-Newton payload. The X-ray telescopes, two with
Reflection Grating Arrays, are visible at the lower left. The focal instruments are
shown at the right end of the assembly: The EPIC MOS cameras (green), the EPIC
pn camera (violet), and RGS (orange). The black box at the bottom of the bus is
the outgassing device. Figure courtesy of Dornier Satellitensysteme GmbH and the
European Space Agency (ESA).
field of view results in a time resolution of 2.6 s, while the timing uncompressed mode
has a time resolution of 1.5 ms. In March 2005, a likely micrometeorite impact caused
the electronics of MOSI CCD6 to fail and stop providing science data. Furthermore,
The EPIC MOS detectors' energy resolution decreased by ~ 13% since launch due to
the increase in their charge transfer inefficiency (CTI).
The third X-ray telescope has an unobstructed beam; the EPIC instrument at the
focus of this telescope uses pn CCDs and is referred to as the pn camera. It operates
over the energy range from 0.15 to 15 keV and has an ~ 30' field of view just as the
EPIC MOS detectors. The EPIC pn has relatively high time resolution; 73.4 ms in
full-frame mode and 7 pus in burst mode. However, the burst mode only provides a
one-dimensional image and has a low (3%) duty cycle. The energy resolution of EPIC
pn is moderate (E/AE ~ 50 - 130), and it has not been affected by the increased
CTI effects.
Only two of the mirror modules are equipped at their exit with reflection grat-
ing arrays. With the associated cameras, they are part of the Reflection Grating
Spectrometer (RGS) component of the XMM-Newton mission. RGS provides high
resolution (E/AE ~ 100 - 500) over the energy range from 0.33 to 2.5 keV.
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In addition to the X-ray instruments, XMM-Newton also carries the Optical Mon-
itor (OM), a 30-cm optical/UV telescope and imager. OM has a 17' field of view with
~ 1" and operates over the wavelength range 1800 - 6000A. The OM carries four
filters optimized for the shorter-wavelength regime (A < V), as well as two grisms
(one optical and one UV) for low-resolution (E/AE ~ 250) dispersive spectroscopy.
1.3.3 The Rossi X-ray Timing Explorer
The Rossi X-ray Timing Explorer (RXTE) is a major instrument for studying X-ray
variability from a variety of sources. It features unprecedented time resolution in
combination with moderate energy resolution. RXTE is capable of recording large
numbers of photons with microsecond time resolution. RXTE has the ability to
quickly respond to target of opportunity requests, as well as to monitor variable
sources for a long period. Time scales from microseconds to months are covered
in an instantaneous broad energy range, leading to the discoveries of several new
phenomena. RXTE was launched on December 30, 1995 from NASA's Kennedy
Space Center. It was placed in an ~ 90-minute orbit by a Delta II launch vehicle.
The mission is managed and controlled by NASA's Goddard Space Flight Center
(GSFC). Originally designed for a required lifetime of two years with a goal of five,
RXTE has been performing scientific observations for over ten years. RXTE carries
three instruments. Two instruments, the High Energy X-ray Timing Experiment
(HEXTE) and the Proportional Counter Array (PCA), are dedicated to observations
of individual sources. HEXTE and PCA are pointed simultaneously at sources within
their 10 field of view. The third instrument is the All-Sky Monitor (ASM), which
covers ~ 80% of the sky during every spacecraft orbit. A diagram of RXTE is
presented in Figure 1-5.
PCA comprises five gas-filled proportional counter units (PCUs). Each PCU
includes an X-ray collimator and three layers of xenon gas sandwiched between two
layers of propane gas which serve as veto layers to reject non-X-ray events. The total
collecting area is 6500 cm 2. The collimator results in 1 FWHM spatial resolution
that is sufficient for observing relatively isolated sources. The PCA is sensitive over
the energy range from 2 to 60 keV with a moderate energy resolution; E/AE ~ 6 at
6 keV. It is capable of carrying out high time resolution (1 ps) observations.
For each observation, data are recorded in a number of different modes of varying
time and energy resolution. All events from the PCUs are sent to a set of six event
analyzers (EAs). The two Standard modes always operate; Standard-i mode records
the number of photons from each PCU with 0.125 s time resolution, and Standard-2
mode records 16 s integrations of the energy spectrum with 128 channels of reso-
lution. The observer may specify data modes for the four remaining EAs. Event
and GoodXenon modes telemeter event-by-event information with a fixed number of
bits to encode time and energy information; Single-Bit configuration features 125As
(2-13 s) time resolution but no energy resolution. It simply records whether or not a
photon was received in a given energy range during a time interval. Sometimes, when
a source suddenly gets bright, the memory buffers for modes with high time and en-
ergy resolution will get over-written. When an X-ray intensity threshold is exceeded,
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Figure 1-5. Diagram of the Rossi X-ray Timing Explorer with major components
labelled. Figure courtesy of the NASA High Energy Astrophysics Science Archive
Research Center (HEASARC).
"Burst-catcher" modes can be triggered. A Burst Catcher mode uses two EAs: one to
search data and generate a trigger, and the other to collect data. The Burst-catcher
modes are extensively used in studying X-ray bursts, in order to increase the time or
spectral resolution during the bursts without exceeding the telemetry limits.
Since launch, PCUO has lost its outer propane veto layers in May 2000, as has
PCU1 in December 2006. Although they still perform observations, this has resulted
in degradation of their spectral performance. Often only the data collected by PCU2
are used in spectral data analysis.
HEXTE consists of two clusters each containing four phoswich scintillation de-
tectors. Each cluster can rock along mutually orthogonal directions to provide back-
ground measurements 1.50 or 3.00 away from the source every 16 to 128 s. Each
cluster covers the energy range from 15 to 250 keV with an energy resolution of
E/AE ~ 7 at 60 keV. The total collecting area of two cluster is 2 x 800 = 1600 cm2.
The detectors are equipped with collimators to provide the spatial resolution of 10
FWHM. The time resolution of HEXTE is 8 ps.
The third instrument on RXTE is ASM. ASM consists of three wide-angle shadow
cameras equipped with proportional counters with a total collecting area of 90 cm 2. It
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samples the X-ray intensity of bright sources several times a day in 3 energy channels
between 2 - 10 keV. The spatial resolution of ASM is 3' x 15'. ASM is capable of
monitoring the long-term variability of sources with the 90-min time resolution of the
spacecraft orbit.
In this thesis, we utilized the observations made by all three instruments, including
the data from Chandra ACIS-S, XMM EPIC MOS and pn CCDs, and RXTE PCA.
1.4 Content and Organization of Thesis
This thesis contains five chapters spanning observational facts, data analysis method-
ology, interpretation, and evolutionary simulations. Although these issues arise from
different perspectives, they all focus on the same astrophysical objects: neutron stars
in binary systems. And they are all motivated by one fundamental question: how
does matter behave under extremely high densities?
In Section 1.2 we listed a variety of methods of constraining the M-R relations.
All these methods have potential short comings that need to be addressed.
Constraining M-R relation from neutron star quiescent emission by spectral anal-
ysis has several potential problems. Firstly, the accuracy of NS radius measurements
rely on the spectral parameters stabilities. Previous X-ray spectral comparisons be-
tween Chandra and ASCA show a luminosity decrease of 40 ± 8% for Cen X-4 over
5 years (Rutledge et al., 1999), and an 50% decrease followed by an 35% increase in
luminosity of Aql X-1 observed by Chandra within 4 months (Rutledge et al., 2002).
The upper limit on the amount of temperature variability for Cen X-4 across 5 years
is 10%. However, in the case of Aql X-1, significant temperature variability was
observed (Rutledge et al., 1999, 2002). Rutledge et al. (2002) suggested that these
parameter instabilities may be due to a change in the power-law spectral component
or a change in the hydrogen column density towards the source. However, recently
for Cen X-4, it has been discovered by Cackett et al. (2010) that, it was the thermal
component, rather than the power-law component or the column density, that was
varying on both short- and long-term time scales, suggesting the thermal emission
variability is intrinsic. Secondly, the physical origin of the non-thermal component
needs to be explained. A high-energy power-law tail has been observed to dominate
the neutron star quiescent X-ray spectra above 2-3 keV. This component comprises ~
10% - 40% of the 0.5-10 keV luminosity. However, the origin of the hard power-law
component remains unclear. These two uncertainties greatly limited the reliability
of the R measurement. We try to explore these issues in Chapter 2 by presenting
our observation of the eclipsing neutron star 4U 2129+47 during its further drop into
quiescence. The power-law hard tail has been discovered to be fading out in this
source during the cooling, accompanied by the absence of any sinusoidal modulation
in its light curve. This supports the idea that the power-law component might be
due to the interaction of the pulsar wind and a residual accretion flow (Campana
et al., 1998). Also the quiescent emission with only thermal component provides the
opportunity to study the variations in thermal component; the absence of residual
accretion might result in any absence of variation in thermal component, which would
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make the radius measurement more reliable.
Constraining M/R from discrete features arising from the neutron star surface has
been attempted for EXO 0748-676, from red-shifted absorption features during ther-
monuclear X-ray bursts. The gravitational redshift z of 0 and Fe absorption lines in
the X-ray burst spectra of EXO 0748-676 was reported for the first time with XMM-
Newton by Cottam et al. (2002). In the same work, it was noted that the narrowness
of the spectral lines (AA/A = 0.018) requires the neutron star to be spinning slower
than 100 Hz. This is consistent with a spin frequency of 45 Hz suggested by Villarreal
& Strohmayer (2004). However, Galloway et al. (2010) subsequently detected more
powerful 552 Hz oscillations at 15% rms amplitude in RXTE observations of two 2007
bursts separated by 11 months. The frequency and amplitude of these oscillations
were measured from single bursts, without the need for summing power spectra. The
properties of these burst oscillations allow a firm identification of 552 Hz as the spin
frequency (Galloway et al., 2010). The lack of additional observations of the spectral
lines from EXO 0748-676 and the high spin frequency call into question the photo-
spheric origin of the absorption lines. In Chapter 3, we show that no combination
of neutron star and geometric parameters can simultaneously reproduce the different
X-ray observations of EXO 0748-676: a 552 Hz oscillation (Galloway et al., 2010)
and narrow absorption lines at a gravitational redshift of z = 0.35 (Cottam et al.,
2002; Villarreal & Strohmayer, 2004).
There are two problems in constraining M/R from the upper limit of neutron
star spin frequencies. Most spin frequencies were detected as burst oscillations dur-
ing Type-I X-ray bursts. The first problem concerns the origin of burst oscillations.
Some reported burst oscillations are of low statistical significance, possibly contami-
nating the sample of spin frequencies. The second problem concerns the significance
estimation of the detected oscillation signals. Fourier techniques are commonly used
in timing analysis, however, the Fourier power spectra of bursts might be distorted
by two factors: the instrumental dead-time effect and the shape of the bursts. As
discussed above in the case of EXO 0748-676, misestimation of the significance of
the detected Fourier powers results in the misidentification of the spin frequency.
In Chapter 4, we present our simi-simulative method of calculating the significance
of Fourier powers in a distorted power spectrum. We also present the application
of this method in searching high frequency oscillation signals that might be due to
alternative oscillation modes.
All above listed methods of constraining M-R relation utilize neutron stars in
LMXBs. To better understand the evolution of a binary system such as the newly
discovered pulsar PSR J1614-2230 which has a 1.97 MO neutron star (Demorest et al.,
2010), we computed an extensive grid of binary evolution tracks to represent low- and
intermediate-mass X-ray binaries, utilizing a newly developed stellar evolution code
called "MESA" that was designed, among other things, to be able to handle very low-
mass and degenerate donors (Paxton et al., 2011). We concluded that, to successfully
produce a system like PSR J1614-2230 requires a minimum initial neutron-star mass
of at least 1.6 ±0.1 MD, as well as initial donor masses and Porb of 4.25 0.10 MD and
49 ± 2 hr. We present our analysis and results in Chapter 5. A more comprehensive
summary of this evolutionary study will be presented in Chapter 6.
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Chapter 2
A Further Drop into Quiescence by
the Eclipsing Neutron Star
4U 2129+47
Abstract
The low mass X-ray binary 4U 2129+47 was discovered during a previous X-ray
outburst phase and was classified as an accretion disk corona source. A 1% delay
between two mid-eclipse epochs measured - 22 days apart was reported from two
XMM-Newton observations taken in 2005, providing support to the previous sugges-
tion that 4U 2129+47 might be in a hierarchical triple system. In this work, we
present timing and spectral analysis of three recent XMM-Newton observations of
4U 2129+47, carried out between 2007 November and 2008 January. We found that
except for the two 2005 XMM-Newton observations, all other observations are con-
sistent with a linear ephemeris with a constant period of 18 857.63s; however, we
confirm the time delay reported for the two 2005 XMM-Newton observations. Com-
pared to a Chandra observation taken in 2000, these new observations also confirm
the disappearance of the sinusoidal modulation of the lightcurve as reported from two
2005 XMM-Newton observations. We further show that, compared to the Chandra
observation, all of the XMM-Newton observations have 40% lower 0.5-2 keV absorbed
fluxes, and the most recent XMM-Newton observations have a combined 2-6 keV flux
that is nearly 80% lower. Taken as a whole, the timing results support the hypothesis
that the system is in a hierarchical triple system (with a third body period of at least
175 days). The spectral results raise the question of whether the drop in soft X-ray
flux is solely attributable to the loss of the hard X-ray tail (which might be related
to the loss of sinusoidal orbital modulation), or is indicative of further cooling of the
quiescent neutron star after cessation of residual, low-level accretion.
This chapter is adapted from the paper "A Further Drop into Quiescence by the
Eclipsing Neutron Star 4U 2129+47" by Jinrong Lin, Michael A. Nowak, and Deepto
Chakrabarty, published in The Astrophysical Journal, 2009, Vol. 706, p. 1069-
1077. I performed most of the work for this paper, including analyzing the 2005 and
2007/2008 XMM data, fitting the ephemeris and spectra, and producing the figures
29
except Figure 2-4.
2.1 Introduction
4U 2129+47 was discovered to be one of the accretion disk corona (ADC) sources
(Forman et al., 1978), which are believed to be near edge-on accreting systems since
they have shown binary orbital modulation via broad, partial V-shape X-ray eclipses
(Thorstensen et al. 1979; McClintock et al. 1982, hereafter MC82, White & Holt
1982); the eclipse width was ~ 0.2 in phase and ~ 75% of the X-rays were occulted
at the eclipse midpoint. The origins of ADCs are not fully understood, but they are
typically associated with high accretion-rate systems, wherein we are only observing
the small fraction of the system luminosity that is scattered into our line of sight.
For the prototypical ADC X1822-371, models suggest that it is accreting at a near
Eddington rate, with the radiation scattered into our line of sight having an equivalent
isotropic luminosity on the order of 1% of the total luminosity (see Parmar et al. 2000;
Heinz & Nowak 2001; Cottam et al. 2001, and references therein).
In the early 1980s, observations of 4U 2129+47 showed that both its X-ray and
optical light curves were modulated over a 5.24 hr period (Thorstensen et al., 1979;
Ulmer et al., 1980; McClintock et al., 1982; White & Holt, 1982). The discovery of a
type-I X-ray burst led to the classification of 4U 2129+47 as a neutron star (NS) low
mass X-ray binary (LMXB) system (Garcia & Grindlay, 1987), and the companion
was suggested to be a late K or M spectral type star of - 0.6M®. The source distance
was estimated to be - 1-2 kpc (Horne et al., 1986). Assuming isotropic emission, the
X-ray luminosity would have then corresponded to ~ 5 x 103' erg s-1. Even if the
luminosity were 100 times larger, the luminosity would have been somewhat smaller
than expected for an ADC.
Since 1983, 4U 2129+47 has been in a quiescent state (Pietsch et al., 1986). Op-
tical observations show a flat light curve without any evidence for orbital modulation
between the years 1983 and 1987. Additionally, instead of an expected M- or K-
type companion, the observed spectrum was compatible with a late type F8 IV star
(Kaluzny, 1988; Chevalier et al., 1989). The refined X-ray source position as deter-
mined by Chandra turned out to be coincident with the F star to within 0.1" (Nowak
et al. 2002, hereafter N02). The probability of a chance superposition is less than
10- (see also Bothwell et al. 2008); therefore, the hypothesis of a foreground star
is unlikely. A - 40 km s-1 shift in the mean radial velocity was derived from the
F star spectrum, providing evidence for a dynamical interaction between the F star
and 4U 2129+47 (Cowley & Schmidtke, 1990; Bothwell et al., 2008). The system
was, therefore, suggested to be a hierarchical triple system, in which the F star is
in a month-long orbit around the binary (Garcia et al., 1989). This hypothesis is
tentatively confirmed with two XMM-Newton observations separated by 22 days that
showed deviations from a simple orbital ephemeris (Bozzo et al. 2007, hereafter B07).
Assuming that the F star is part of the system, the source distance was revised to
~ 6.3 kpc (Cowley & Schmidtke, 1990). This would imply that the peak luminosity
observed prior to 1983 (assuming that the observed flux was ~ 1% of the average
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flux) was a substantial fraction of the Eddington luminosity.
The X-ray spectrum of 4U 2129+47, as determined with a Chandra observation
taken in 2000, was consistent with thermal emission plus a power-law hard tail (N02).
The 2-8 keV flux was ~ 40% of the 0.5-2 keV absorbed flux. The contribution of the
"power-law" hard tail to the 0.5-2 keV band was, of course, model dependent, but was
consistent with being 20% of the 0.5-2 keV flux, as we discuss below. A sinusoidal
orbital modulation (peak-to-peak amplitude of ±30%) was observed in the X-ray
light curve in the same observation. The phase-resolved spectra showed variation in
the hydrogen column density. However, in the XMM-Newton observations (B07), the
sinusoidal modulation was absent, while the flux of the power-law component was
constrained to be less than 10% of the 0.2 - 10 keV flux (B07).
Here we report on recent XMM-Newton observations of 4U 2129+47. We combine
analyses of these observations with reanalyses of the previous observations, and show
that, except the two 2005 XMM-Newton observations (B07), the historical observa-
tions are consistent with a linear ephemeris with a constant period. We outline our
data reduction procedure in §2.2 and present the timing and spectral analysis in §2.3
and §2.4, respectively. We summarize our conclusions in §2.5.
2.2 Observations and data
XMM Newton observed 4U 2129+47 on 2007 November 29, December 20, and on 2008
January 4 and 18. The total time span for each of these four observations was 43270 s,
resulting in effective exposure times of at least 30ks for the EPIC-PN, EPIC-MOS1,
and EPIC-MOS2 cameras for the first three observations. The remaining observing
time was discarded due to the background flares. The standard XMM Newton Science
Analysis System (SAS 8.0) was used to process the observation data files (ODFs) and
to produce calibrated event lists. We used the EMPROC task for the two EPIC-
MOS cameras and used the EPPROC task for the EPIC-PN camera. We used the
high-energy (E > 10 keV) light curves to determine the Good Time Intervals, so as
to obtain the event lists that were not affected by background flares. The Good Time
Intervals are slightly different for EPIC-PN and EPIC-MOS cameras; therefore, the
overlap Good Time Interval was used to filter each light curve with the EVSELECT
keywords "timemin" and "timemax".
The low-energy (0.2 - 1.5 keV) source light curves and the spectra (0.2 - 12 keV)
were extracted within the circles of 14.6" radius centered on the source. Larger
circles were not used in order to avoid a Digital Sky Survey stellar object (labeled as
S3 - # in N02). We extracted background light curves and spectra within the same
CCD as the source region. The largest source-free regions near the source, which
were within circles of radii about 116", were chosen for background extraction. The
SAS BACKSCALE task was performed to calculate the difference in extraction areas
between source and background. In order to obtain the mid-eclipse epochs, we tried
various bin sizes (75 s, 150 s, and 300 s etc.) to obtain the best compromise between
the signal-to-noise ratio in a bin, and time resolution. Finally, the light curves were
extracted with the bin size of 150 s. The times of all light curves were corrected to
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Figure 2-1. (a) Upper: light curve from one of the 2007 XMM-Newton observations,
fit by a total eclipse with finite duration ingress and egress. No sinusoidal orbital
modulation was evident. The 90% confidence level upper limit of the modulation is
10%. (b) Lower: light curve of six eclipses folded as one. The mid-eclipse epochs are
aligned and centered at 2250 s.
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the barycenter of the solar system by using the SAS BARYCEN task. Light curves
from EPIC-PN and two EPIC-MOS cameras were summed up with the LCMATH
task in order to get better statistics in the fitting of the eclipse parameters. Given
the low count rate of the EPIC-MOS cameras compared to the EPIC-PN camera, for
the spectral analysis we discuss only the spectrum from the EPIC-PN camera.
2.3 Orbital ephemeris and eclipse parameters
The observation made on 2008 January 18 was seriously affected by background flares;
however, two eclipses were found in each of the other three observations respectively,
resulting in six eclipses for fitting.
The three pairs of eclipses were then simultaneously fit with the same set of eclipse
parameters. The ingress duration, the egress duration, and the duration of the eclipse
(defined to be from the beginning of the ingress to the end of the egress) were set
to be free parameters and assumed to be the same for all six eclipses, under the
hypothesis that these eclipses should have the same shape (see @2.5). The starting
time of the first eclipse ingress and the count rates within and out of the eclipse
were fit for each light curve individually. The separation between the two connected
eclipses within the same light curve was set to be 18857.63 s based upon the previous
Chandra results. The second eclipse in each light curve, therefore, only contributed
to the fitting of the eclipse shapes, while only the first eclipse in each light curve
has been used to estimate the orbital ephemeris. The mid-eclipse epoch was defined
to be the starting time of the ingress plus half of the eclipse full ingress-to-egress
duration. The model was integrated over each time bin, especially the bins that are
crossed by the ingress and the egress, in order to be compatible with either the finite
ingress/egress durations or the infinite ingress/egress slopes (for a rectangular eclipse
model). x2 minimization was performed in order to determine the best fit to the light
curve.
One of our fitted light curves is shown in Figure 2-1(a). The best fits to the
mid-eclipse epochs were found to be To(1) = 2454 433.8640 ± 0.0004 JD, To(2) =
2454 455.6900±0.0004 JD and To(3) = 2454 470.0948±0.0004 JD, with X2 /dof=782.6/708
(errors are at 68% confidence level). The best-fit result favors a rectangular eclipse
model with very short duration of the ingress and egress durations; upper limits of
50s and 30s were found for the ingress and egress durations, respectively. A folded
light curve of six eclipses is shown in Figure 2-1(b), where the mid-eclipse epochs
are aligned and centered. The sinusoidal variation seen in the Chandra observation
is absent; the upper limit of the modulation amplitude is < 10% at 90% confidence
level. The duration of the eclipses was derived to be 1565 ± 23 s. We also re-analyzed
the previous two XMM-Newton observations of 2005 May 15 and June 6 with the
above methods in order to get a direct comparison with our data sets. These two
light curves were also extracted with 150 s bins, and there was one eclipse present in
each of them. The best-fit mid-eclipse epochs are To(a) = 2453 506.4821 ± 0.0004 JD
and To(b) = 2453 528.3069 ± 0.0004 with X2/dof=18.8/21 and 87.8/84, respectively.
We considered the above mid-eclipse epochs together with epochs, Ts, derived
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Table 2.1. Mid-Eclipse Epoch Measurements.
Observatory Mid-eclipse Epoch Orbital Period References
(JD) (sec)
Einstein 2444403.743(2) 18857.48(7) (MC82)
Chandra 2451879.5713(2) 18857.631(5) (N02)
XMM-Newton 2453506.4821(4)a 18857.638(7) (B07)a
XMM-Newton 2453528.3069(4)a 18857.636(7) (B07)a
XMM-Newton 2454433.8640(4) 18857.632(7) this work
XMM-Newton 2454455.6900(4) 18857.632(7) this work
XMM-Newton 2454470.0948(4) 18857.631(7) this work
Note. - Numbers in the parentheses are the errors (at l
level) on the last significant digit.
aWe reprocessed the data for these two observations using a
150 s binned light curves in order to be consistent with our rou-
tine.
from the previous observations (Table 2.1) in order to determine a refined orbital
solution and to measure any orbital period derivative (which was weakly suggested
by the analysis of N02). We considered the ephemeris from MC82 as reference (Tref =
2444 403.743 t 0.002 JD, Pref = 18 857.48 ± 0.07 s), and calculated n, the closest
integer to (Tn - Tref)/Pref. Our three observations (the first eclipse in each of the
three light curves) correspond to n = 45 955,46 055,46 121. The average orbital
periods (P = (T -Tref)/n) inferfed from these observations are therefore 18857.632+
0.005s, 18857.631 ± 0.005s and 18857.632 ± 0.004s. We noticed that, except the
2005 XMM-Newton observations, the 2007/2008 observations are consistent with a
linear ephemeris with a constant period of 18 857.63s. However, we confirmed the
strong deviations of the 2005 XMM-Newton observations from any linear or quadratic
ephemeris (Figure 2-2). We therefore tried to fit the linear timing residual by a third
body orbit on top of a steady binary orbital period. For simplicity, we assume the
interaction between a binary system and a third body results in a sinusoidal residual.
The ephemeris is not uniquely determined; we found valid ephemerides for the third
body orbit at ~ 800, 1300, 1700, 1900, and 2900 times the binary orbit. The shortest
consistent sinusoidal period was therefore found to be ~ 175 days (Figure 2-2).
2.4 Spectral Analysis
The spectra of the three observations were accumulated during the same time intervals
selected for the extraction of the EPIC-PN light curves, except that the eclipses were
also excluded. Spectral analysis was carried out using ISIS version 1.4.9-55 (Houck &
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Figure 2-2. Each square shows the timing residual (defined as the difference between
the observed ephemeris and the predicted ephemeris) at a certain number of orbits
from the observations listed in Table 2.1. (a) Upper: the dashed line denotes a
linear ephemeris with a period of 18857.63, while the solid line denotes a quadratic
ephemeris. Except the 2005 XMM-Newton observations, the ephemeris of the eclipses
can be well fitted by a constant period. However, we confirmed the strong deviations
of the 2005 XMM-Newton observations from any linear or quadratic ephemeris. (b)
Lower: close-up of the third body fit with a third body period of ~ 175 days, showing
just the Chandra and XMM-Newton data since year 2000. The solid line denotes a
sinusoidal ephemeris.
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Denicola, 2000). Since there is no evidence of orbital modulation in the light curves,
the spectra we produced were not phase resolved. Furthermore, preliminary fits
indicated little or no variability among spectra from individual observations; therefore,
we fit all spectra simultaneously. Specifically, we used the ISIS combine-datasets
functionality 1 to sum the spectra and responses during analysis. The data were
binned to have a minimum signal to noise 2 of 4.5 and a minimum of four energy
channels per grouped spectral bin. The spectra were fit over an energy range such
that the lower bounds of the spectral bins exceeded 0.3 keV, and the upper bounds of
the spectral bins were less than 8 keV. (This latter criteria, with the above grouping,
effectively restricted the upper bound of the spectra to be 3 keV.)
The spectra could be well fitted by an absorbed blackbody, both with and without
a power-law (Table 2.2). For the absorption, following the fits of N02, we used the
model of Wilms et al. (2000). Given that the presence of any power-law was not well
constrained, we froze its photon index to F = 2 when including such a component
in the fits. Without the additional power-law, the best-fit temperature and column
density were 0.21+81 keV and (0.21 ± 0.02) x 1022 cm- 2 , with a X2= 62.6/73 degrees
of freedom. With the additional power-law, the best-fit temperature and column
density were 0.20782keV and (0.24±0.03) x 1022 cm-2, with a x2 = 57.8/73 degrees of
freedom. Both of these sets of parameters are consistent with the thermal component
of the fits presented by N02 for the peak (i.e., least absorbed part) of the sinusoidal
modulation of the Chandra light curve. We show the spectra and fit including the
power-law in Figure 2-3.
As indicated by these fits (all of which have reduced x2 < 1), the power-law hard
tail is no longer required to describe the spectrum. Including a power-law slightly
increases the best fit NH and its associated error bars, while slightly decreasing the
best fit temperature. Our best fit models, with or without a power-law, yield an
absorbed 0.5-2keV flux of (7.7 ± 0.1) x 10-14 erg cm- 2 s-1, with no more than 10%,
i.e., 0.7 x 10-14 erg cm-2 S-1 (90% confidence level) being attributable to a F = 2
power-law. This 0.5-2 keV flux is 36% lower than the (1.2± 0.1) x 10- 1 3 erg cm- 2 S-1
found during the peaks of the Chandra light curve (see below). Note that above, and
throughout this work, unless stated otherwise we will quote 68% confidence limits for
fluxes, but 90% confidence limits for fit parameters.
To estimate the 2-6 keV flux, we grouped the spectrum (starting at 2 keV) to
have a minimum signal to noise of 3 and a minimum of two channels per grouped
energy bin, and then we fit an unabsorbed power-law spectrum between 2 and 6 keV.
(Grouping to higher signal-to-noise left no channels between ~ 3.5 and 6 keV.) This
'This is essentially equivalent to summing the pulse height analysis (PHA) files and summing
the product of the response matrix and effective area files. Whereas this can be accomplished, e.g.,
using FTOOLS outside of the analysis program (and in fact, "outside of analysis" is the only mode
supported by XSPEC), performing summing during analysis allows one to examine data and residuals
for each data set individually, choose different binning and noticing criteria based upon individual
spectra, etc.
2To be explicit, here and throughout we mean that the source counts, excluding the estimated
background counts, divided by the estimated error, including that of the background counts, meet
or exceed the given signal-to-noise threshold in each spectral bin.
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Table 2.2. Best-Fit Spectral Parameters
Parameters XMM-Newton (2007/2008) XMM-Newton (2005) Chandra
(No Power Law)a (No Power Law)b (r = 2, fixed) (No Power Law) (No Power Law) (No Power Law)jNo Power Law)b (r free)
NH (1022 cm- 2 ) 0.21+0 02 0.24 ± 0.03 0.29 i 0.03 0.32 ± 0.03 0.26± .07 0.33 +0 0.37 0.07 0.39 180.03 o0.o -0.06 0.7±00 .90.11
k~b(e)0213±0'007 0.202±0 01 . ... 0 .2 1 0 +0.015 ... . .. 0.2 10+0.03kTbb (keV) 0 0 oo 0 10 0.015 -0.043
Rbb (km)c 1.8 i 0.2 2.0+0.4 ... ... 1-+ 0 .6 ... . 2.5+23
-0.2 -0.4 -0.9
APL (10 5 -y keV -1 cm 2 s 1)d ... 0.3+0 .3 ... ... ... ... ... 1.50.2 -1.3
1.6
log Tf f (log K) ... ... 6.37 ± 0.06 6.00 ± 0.03 ... 6.39+0' 5.99 ± 0.06 -
R-g (km)" .. . . . . 5.3+0 1 16.7+21 5.2+1 18.2 +76
N 0.3 -2. -02 18.58
x
2 /d.o.f. 62.6/73 57.8/72 56.0/73 55.8/73 32.2/37 33.1/37 32.6/37 10.7/17
FO.5-2 keVf(10- 1 4 erg cm-2 S-1) 7.7 ± 0.1 7.7 ± 0.1 7.7 ± 0.1 7.7 ± 0.1 7.5 ± 0.3 7.5 ± 0.3 7.5 ± 0.3 12 ± 1
FO.5-10 keV f( 1 0 -14 erg cm-2 s-1) 8.0 ± 0.5 8.6 ± 0.6 8.1 ± 0.5 8.0 ± 0.5 7.8 ± 0.8 7.9 ± 0.8 7.8 i 0.8 16 ± 2
FO.5- 2 keVg(10- erg cm-2 s-1) 1.29 ± 0.03(10.05) 1.40 i 0.03(+0.08) 1.64 + 0.03(+0.09) 1.78 ± 0.04(i0.09) 1.4 ± 0.1(i0.2) 1.8 ± 0.1(i0.2) 1.9 i 0.1(i0.2) 2.8 ± 0.2(+"')
F 0.5- 1 0 keV(10-
1 3 
erg cm-2 s-1) 1.32 + 0.06(±0.05) 1.49 ± 0.06(±0.08) 1.68 i 0.06(i±0.09) 1.81 i 0.04(i0.09) 1.4 ± 0.1(10.2) 1.8 ± 0.1(±0.2) 2.0 ± 0.1(+0.2) 3.2 ± 0.2(±'* )
aNSA model, assuming a fixed neutron star mass of 1.4 Me
bNSATMOS model, assuming a fixed neutron star mass of 1.4 M 0
cNeutron star radius assuming a distance of 6.3 kpc
dPower-law normalization at 1 keV.
eLower limit constrained to > 5.
fAbsorbed flux.
6 Unabsorbed flux.
Note. - Parameter errors are 90% confidence for one interesting parameter (i.e., AY 2 = 2.71). Flux errors are 68% confidence (values in the parentheses are systematic errors -
see the appendix).
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Figure 2-3. Combined spectra for the Chandra observations of Nowak, Heinz, &
Begelman (2002) (left), the XMM-Newton observations of Bozzo et al. (2007) (mid-
dle), and the three XMM-Newton observations presented in this work (right). Each
has been fit with a model consisting of an absorbed blackbody plus power-law; how-
ever, the photon index is fixed to F = 2 for the XMM-Newton observations. Note that
all spectra have been unfolded without reference to the underlying fitted spectral model.
(The unfolded spectra do, however, refer to the response matrices of the detectors;
see Nowak et al. 2005 and the appendix for further details.)
yields an estimated (6 ± 3) x 10-15 erg cm-2 S-1 in the 2-6 keV band, which is to be
compared to the nearly 5 times larger 2-6 keV flux of (2.9 ± 0.6) x 10-" erg cm- 2 S-1
from the Chandra observations (see below).
The question then arises as to when the drop in the 0.5-2 keV flux occurred,
and whether or not it is solely attributable to the loss of the hard X-ray tail. To
further explore these issues, we applied absorbed blackbody plus power-law fits to
the spectra described by B07 (out of eclipse data only, grouped and noticed exactly
as for the 2007/2008 XMM-Newton spectra described above, with power-law index
frozen to F = 2), and refit the spectra of N02 (power-law index left unfrozen). We
used the same exact data extractions and spectral files from N02. For the Chandra
observations, we follow N02 and fit the 0.3-2 keV spectra (grouped to signal to noise
of 4.5 at 0.3 keV and above) from the peak of the light curve's sinusoidal modulation,
while we fit the 2-6 keV spectra (grouped to a signal to noise of 4 at 2 keV and above)
from all of the out of eclipse times. The flux levels quoted above correspond to these
new fits of the Chandra data.
The fits to the data from B07 are completely consistent with the fits to the new
data, and yield a blackbody temperature and neutral column of 0.21'00 keV and
0.27+89 x 1022 cm-2, respectively, with x2 = 32.2/37 degrees of freedom. The power-
law normalization was consistent with 0, and thus excluded a power-law from the fits
to these data. The absorbed 0.5-2keV flux was (7.5 ± 0.3) x 10-14 erg cm- 2 S-, i.e.,
comparable to that from the more recent XMM-Newton data. The spectra are shown
in Figure 2-3.
As discussed in N02, and shown in Figure 2-3, the Chandra data clearly indi-
cate the presence of a hard tail. Here we find NH = 0.39+-1 X 1022 cm 2  =
0.21 +80 keV, and F = 2.011., with X2 = 10.7/17 degrees of freedom. Note that
38
the larger NH value found here compared to N02 is due to the inclusion of the
0.3-0.5keV data, and is partly indicative of a systematic dependence of this pa-
rameter upon the index of the fitted power-law. For the best-fit power-law index,
0.2 x 10-14 erg cm- 2 s-1 of the 0.5-2 keV absorbed flux is attributable to the power-
law. This is not enough to account for the drop in flux between the Chandra and
XMM-Newton observations. However, if for the Chandra spectra we fix the power-law
at its 90% confidence level upper limit (F = 3.5), then 0.6 x 10-14 erg cm-2 s-1 of the
0.5-2keV absorbed flux is attributable to the power-law component (albeit with an
Nh = 0.58 x 1022 cm- 2 , which is higher than the best-fit values for the XMM-Newton
data). This is more than enough to account for all of the change in the 0.5-2keV
absorbed flux, and highlights some of the systematic uncertainties inherent in deter-
mining bolometric flux changes (i.e., the need to adequately model the changes in the
local column and to use realistic models for the hard X-ray tail). With these current
data, it is difficult to distinguish between resumed cooling of the neutron star thermal
component and mere loss of the additional (presumed external) hard tail component
that is modeled here with a power-law.
To highlight some of the issues with determining bolometric flux changes and with
attributing any changes to specific model components, in Figure 2-4 we show error
contours for the unabsorbed 0.5-10 keV flux in the blackbody and power-law com-
ponents when fitting the 2007/2008 XMM-Newton spectra and the Chandra spectra.
These errors account for uncertainties in the neutral column, but do not address
systematic issues with the choice of model itself. We see that formally the 99% confi-
dence level contours do not overlap, which would indicate that both the thermal and
power-law components have decreased between the time of the Chandra and XMM-
Newton observations. However, if we ignore the first bin (0.3-0.6 keV) in the Chandra
spectra, the Chandra contours shift significantly leftward toward lower blackbody
flux. (Additionally, the fitted neutral column also decreases.) There is less of a shift
downward in power-law flux between these two fits of the Chandra data. Thus, as
stated above, it remains somewhat ambiguous as to what extent the changes between
the Chandra and XMM-Newton data can be attributed solely to components other
than the thermal emission from the neutron star.
We have fit also the XMM-Newton spectra with the neutron star atmosphere (NSA)
model of Zavlin et al. (1996), by fixing the neutron star distance to 6.3kpc and the
neutron star mass to 1.4 MD. Results of these fits are presented in Table 2.2. They
are consistent with those of N02 and B07 (although N02 also required the inclusion
of a power-law component). Specifically, we find neutron star radii of 1 5km, and
effective temperatures in the range of 2-3 x 106 K. If we instead use the NSATMOS
model of Heinke et al. (2006), again fixing the neutron star mass and distance as
above, we find lower neutron star temperatures (a 106 K) and significantly larger
radii (> 12km). This raises the question of the degree to which one can find a
consistent fitted mass and radius among all the datasets discussed here.
To explore this question, we have performed a joint fit of the Chandra and XMM-
Newton spectra. The observations from the individual observing epochs (2000, 2005,
2007/2008) were grouped and added as described above, with the additional caveat
that we now exclude the Chandra data below 0.6 keV so as to minimize the influence of
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Figure 2-4. 68%, 90%, and 99% confidence contours for the unabsorbed 0.5-10 keV
flux in the blackbody (x-axis) and power-law (y-axis) components from fits to the
0.3-6keV spectra from the 2007/2008 XMM-Newton observations (lower left) and
Chandra observation (upper right). The dashed confidence contours correspond to
fits to the 0.6-6 keV band of the Chandra spectra. Plus signs indicate the "best-fit"
values. Note that all flux values are shown relative to the total, unabsorbed flux in
the 0.5-10 keV band determined from the best blackbody plus power-law fit to the
2007/2008 XMM-Newton observations.
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Figure 2-5. 68%, 90%, and 99% confidence contours for the neutron star mass (x-
axis) and radius (y-axis) from neutron star atmosphere (NSATMOS) model fits to the
0.3-6keV spectra from the 2007/2008 XMM-Newton observations. The neutron star
distance was fixed to 6.3kpc. The plus sign corresponds to the best fit. The jagged
contours at the bottom of the figure represent the limits of the interpolation grids
used in the calculations of the NSATMOS model.
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Table 2.3. Best-Fit NSATMOS Spectral Parameters for a Joint Fit of the Chandra
and XMM-Newton Spectra
Parameters Chandra XMM-Newton
(2005) (2007/2008)
NH (1022 cm-2) 0.36 ±0.01 0.36 ± 0.04 0.0
log Tef f (log K)a 6.48+-0 6.458 6.45+.0
APL (10-5 -y/keV/cm2/sec) 1.2 -- ---
MNS (MD) 1.66±0.02
RNS (km) 5.55+00
FO.5- 1 0 keVb(10-13 erg cm- 2 s-1) 3.2 ± 0.2(±0.3) 2.0 ± 0.1(±0.2) 1.9 ± 0.1(±0.1)
X2 /d.o.f. 99.6/128
Note. - A F = 2 power-law was included for only the Chandra spectra. The neutron
star distance was fixed to 6.3kpc. Parameter errors are 90% confidence for one interesting
parameter (i.e., Ax 2 = 2.71). Flux errors are 68% confidence (values in parentheses are
systematic errors - see the appendix.
aUpper bound of the log Teff is constrained to be < 6.5.
bUnabsorbed flux.
the soft-end of the power-law component on the fitted neutral column. We include a
hard tail, modeled as a F = 2 power-law, in fits to the Chandra spectra, and again use
the NSATMOS model (Heinke et al., 2006) to describe the soft spectra from all epochs.
For this latter component we again fix the distance to 6.3 kpc and further constrain
the neutron star mass and radius to be the same for all epochs. The individual epochs,
however, are fitted with independent neutron star temperatures and neutral columns.
Results are presented in Table 2.3.
We find that one can find a set of consistent parameters that are statistically
acceptable. There is a modest need for the Chandra spectra to be described with a
slightly larger neutral column than that fit to the 2007/2008 XMM-Newton spectra.
The Chandra spectra also require a slightly higher neutron star temperature, but here
all temperatures fall within each others error bars. The best-fit mass is 1.66 Me, and
the best-fit radius is 5.55 km. This is somewhat smaller than the values presented in
Table 2.2 when applying the NSATMOS model with a fixed mass of 1.4 M0 , and is more
consistent with the values found when using the NSA model.
The reasons for this can be elucidated by examining the error contours for the
fitted mass and radius. In Figure 2-5, we show the mass/radius contours obtained
from applying an absorbed NSATMOS model to just the 2007/2008 XMM-Newton data
(i.e., our best measured spectrum, with no discernible hard tail). We see that the
error contours admit a wide range of masses and radii, with the curvature of these
contours generally favoring two regimes: small radius (with high temperature - not
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shown in this figure) and large radius (with lower temperature). Formally, the small
radius/high temperature solution is the statistical minimum; however, it is not sta-
tistically very different than the large radius/low temperature regime. (Comparable
contours for the NSA model look very similar, albeit with the contours shifted to lower
mass values.)
These different fit parameter regimes add further systematic uncertainty to es-
timates of the unabsorbed, 0.5-10 keV flux. As shown in Tables 2.2 and 2.3, the
estimate of this flux ranges from 1.5 to 1.9x 10-13 erg cm- s-- for the 2007/2008
XMM-Newton data alone. Furthermore, we see that depending upon whether we use
a phenomenological model (the blackbody plus power-law fits) individually fit to each
epoch, or a more physical model (e.g., NSATMOS) jointly fit to all epochs, we either
find evidence for further neutron star cooling or evidence of a consistent neutron star
surface temperature. We again caution, however, that determining the bolometric
flux in specific model components can be fraught with many systematic uncertainties
(e.g., Figure 2-4), and we therefore consider any evidence for further neutron star
cooling to be ambiguous at best.
2.5 Conclusions
We reported on recent XMM-Newton observations of 4U 2129+47 in a quiescent
state. Given lower background flaring rates and relatively longer durations of these
observations compared to the 2005 XMM-Newton observations reported by Bozzo
et al. (2007), we were able to make clear the following three points.
1. The 0.5-2keV absorbed X-ray flux of the source has been reduced by more
than ~ 40% compared to the Chandra observation. This was even true for the
observations discussed by B07.
2. The sinusoidal variation seen in the Chandra observation (±30% peak-to-peak)
is absent, or at least greatly diminished (90% confidence level upper limits of
±10% modulation). Additionally, the associated neutral column exhibits no
orbital variability, and is consistent with the brightest/least absorbed orbital
phases of the Chandra observation.
3. The power-law tail seen in the Chandra observation is absent. A F = 2 power-
law contributes less than 10% of the 0.5-2keV flux, and is not evident in the
2 - 6 keV band. The 2-6 keV flux is reduced by a factor of 5 compared to the
Chandra observation.
With this further drop in the X-ray flux of the source, we may now truly be seeing
4U 2129+47 enter into a quiescent stage solely dominated by neutron star cooling,
with little or no contribution from residual weak accretion. The spectrum of the
source can be well explained by absorbed blackbody emission from the surface of
a neutron star, with an emission radius of ~ 1.8 km. Likewise, more sophisticated
neutron star atmosphere models also describe the spectra very well, with no need for
an additional component.
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As discussed by N02, the sinusoidal variability detected with the Chandra ob-
servation could have been due to a neutral hydrogen column being raised by the
interaction of the accretion stream with the outer edge of an accretion disk (Parmar
et al., 2000; Heinz & Nowak, 2001). The fact that the sinusoidal modulation was
absent in the 2007, and likely also the 2005 XMM-Newton observations could suggest
that the system is in a lower accretion state, and might indicate that the geometry of
the outer disk region has changed. It has been hypothesized that the hard tails of qui-
escent neutron stars originate from a pulsar wind, only able to turn on in quiescence,
that is interacting with the accretion stream at large radius (Campana et al., 1998;
Campana & Stella, 2000). The vanishing of both the hard tail and the sinusoidal
modulation in 4U 2129+47 could suggest that what we had observed in the Chandra
observation was indeed the interaction between the pulsar wind and the disk edge,
perhaps as the last remnants of a disk accreted onto the neutron star. This is consis-
tent with the fact that for these current XMM-Newton observations the fitted neutral
column is ~ 2-3 x 1021 cm-2, which is comparable to the value measured for the least
absorbed/peak of the Chandra light curve. We note that a dominant nonthermal
component has been reported in a "recycled" system: the binary radio millisecond
pulsar PSR J0024-7204W. The X-ray variability observed in PSR J0024-7204W
suggests that the hard X-ray emission is produced by interaction between the pulsar
wind and matter from the secondary star, which occurs much closer to the companion
star than the millisecond pulsar (Bogdanov et al., 2005). The previously observed
hard tail in 4U 2129+47 might have been a similar phenomenon.
What remains ambiguous is whether the associated drop in the 0.5-2 keV absorbed
flux is solely related to the vanishing of the hard tail, or whether additional cooling
of the neutron star has occurred, or continues to occur. Although the soft X-ray flux
has clearly declined from the Chandra observations to the XMM-Newton observations,
there is no evidence for a decline between the 2005 and 2007/2008 observations. The
initial drop of the soft X-ray flux is consistent with solely the loss of the hard tail
for some parameter regimes of this component; however, for the best-fit parameters,
additional cooling would have had to occur.
We note that the expected luminosity of 4U 2129+47 due to neutron star cooling
has recently been discussed by Heinke et al. (2009). Even though 4U 2129+47 is
among the brighter of the 23 quiescent sources presented by Heinke et al. (2009),
the degree to which it is "too faint", and thus requires "non-standard" cooling (kaon
cooling, pion cooling, etc.; see Heinke et al. 2009 and references therein) relies on
the rather uncertain average heating history of 4U 2129+47, and the knowledge that
the bulk of the observed soft X-ray emission was not due to residual accretion. We
note that any implied reduction of the soft X-ray emission of 4U 2129+47, or any
continued cooling observed in the future, increases the need to invoke "non-standard"
cooling mechanisms for this system, and further limits the parameter space for the
long-term average heating that would allow for "standard" cooling.
A question also arises as to whether or not the loss of the hard X-ray tail is in any
way related to the unusual timing residuals associated with the 2005 XMM-Newton
observations (B07). Strong deviations from a simple linear or quadratic ephemeris
have also been noted for the bursting neutron star system EXO 0748-676 (Wolff
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et al., 2009), with these changes possibly being correlated with the duration of the
eclipse as viewed by the Rossi X-ray Timing Explorer (RXTE). (Note that comparable
eclipse duration changes, < 20 s, observed in EXO 0748-676 are too small to have
been seen in 4U 2129+47 with our observations.) Wolff et al. (2009) hypothesize that
these eclipse duration and ephemeris changes are related to magnetic activity within
the secondary. We note, however, that over a comparable five year span, the peak-to-
peak residuals of EXO 0748-676 (70 s) are 3-4 times smaller than the peak-to-peak
residuals seen in 4U 2129+47 (200-300 s). Furthermore, the trend of ephemeris timing
residuals of EXO 0748-676 is more persistently in one direction (although deviations
do occur) than those that we show in Figure 2-2 (compare to Figure 4 of Wolff et al.
2009).
In our work, we confirmed the strong deviations of two 2005 XMM-Newton eclipses
from any linear or quadratic ephemeris; however, this deviation has only been ob-
served once since 1982. Rather than presuming ephemeris residuals comparable to
those of EXO 0748-676, given the optical observations (e.g. Garcia & Grindlay, 1987;
Bothwell et al., 2008), we instead have adopted the hypothesis of a triple system.
Given the lack of constraints, however, we had to assume a sinusoidal function for
simplicity. With this assumption, the chance of detecting a maximal time deviation
and a minimal deviation should be equal. The rare presence of the strong deviation
may be due to a large eccentricity of the third body orbit, so that the third star
rarely interacts strongly with the inner binary system. The third body orbital period
was estimated to be around 175 days, but cannot be uniquely determined with the
current observations. In order to confirm and accurately determine the orbital period
of the third body, further observations are required. Such future observations could
also address whether the soft X-ray flux of 4U 2129+47 has continued to drop, and
whether the hard tail and sinusoidal modulation remain absent.
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Chapter 3
The Incompatibility of Rapid
Rotation with Narrow
Photospheric X-ray Lines in
EXO 0748-676
Abstract
X-ray observations of EXO 0748-676 during thermonuclear bursts revealed a set of
narrow (AA/A = 0.018) absorption lines that potentially originate from the stellar
photosphere. The identification of these lines with particular atomic transitions led
to the measurement of the surface gravitational redshift of the neutron star and
to constraints on its mass and radius. However, the recent detection of 552 Hz
oscillations at 15% rms amplitude revealed the spin frequency of the neutron star
and brought into question the consistency of such a rapid spin with the narrow width
of the absorption lines. Here, we calculate the amplitudes of burst oscillations and
the width of absorption lines emerging from the surface of a rapidly rotating neutron
star for a wide range of model parameters. We show that no combination of neutron-
star and geometric parameters can simultaneously reproduce the narrowness of the
absorption lines, the high amplitude of the oscillations, and the observed flux at
the time the oscillations were detected. We, therefore, conclude that the observed
absorption lines are unlikely to originate from the surface of this neutron star.
This chapter is adapted from the paper "The Incompatibility of Rapid Rotation
with Narrow Photospheric X-ray Lines in EXO 0748-6767" by Jinrong Lin, Feryal
Ozel, Deepto Chakrabarty, and Dimitrios Psaltis, published in The Astrophysical
Journal, 2010, Vol. 723, p. 1053-1056. I performed most of the work for this paper,
including numerically computing the emission from NS surface utilizing an existing
code, writing the codes to calculate the rms amplitude and the line widths for all
combinations of parameters, and producing all the figures.
47
3.1 Introduction
The detection of gravitationally redshifted atomic spectral features from the photo-
spheres of neutron stars has long been recognized as the optimal method for measur-
ing neutron star compactness, hence constraining the equation of state for ultradense
matter (Burbidge, 1963; van Paradijs, 1982; Lewin et al., 1993). There were several
reported detections of broad lines in thermonuclear X-ray bursters during the 1980s
(Waki et al., 1984; Magnier et al., 1989). However, these observations were made
using proportional counters with modest spectral resolution and were difficult to in-
terpret in terms of the expected elemental abundance and ionization profiles of burster
atmospheres (Magnier et al., 1989; Madej, 1990). Their origin is instead thought to
be the instrumental Xe L edge.
More recently, Cottam et al. (2002) reported the detection of three narrow X-ray
absorption lines in high-resolution X-ray grating spectra of the burster EXO 0748-676
using XMM-Newton. They interpreted these features as atomic transitions of highly
ionized iron and oxygen at the neutron star photosphere. The significance of this
detection was bolstered by the fact that lines were all consistent with a single gravi-
tational redshift as well as with the observed ionization state and temperature evolu-
tion of the burster atmosphere (Cottarn et al., 2002; Chang et al., 2005; Rauch et al.,
2008). However, the narrowness of the lines (AA/A = 0.018) was surprising given
the expectation that most neutron stars in low-mass X-ray binaries are spinning at
millisecond periods, which should generally lead to broad line profiles for most ge-
ometries (ozel & Psaltis, 2003; Chang et al., 2006). Subsequent observations of the
burster with the same instrument failed to confirm these absorption lines (Cottam
et al., 2008), although this might be explained by long-term variations in the spectral
state of the source (e.g., Krauss, 2007).
At first, the puzzling narrowness of the detected lines seemed to be explained
by the discovery of a weak 45 Hz X-ray oscillation in the summed power spectra of
38 thermonuclear bursts from the Rossi X-ray Timing Explorer (RXTE). This was
interpreted as a spin frequency sufficiently slow to give negligible spectral line broad-
ening (Villarreal & Strohmayer, 2004). However, Galloway et al. (2010) subsequently
detected more powerful 552 Hz oscillations in RXTE observations of two 2007 bursts
separated by 11 months. The frequency and amplitude of these oscillations were mea-
sured from single bursts, without the need for summing power spectra. The properties
of these burst oscillations allow a firm identification of 552 Hz as the spin frequency
(Galloway et al., 2010), calling into question the photospheric origin of the absorption
lines.
Our work is motivated by the suggestion that a carefully chosen geometry could
still possibly preserve the interpretation of the absorption lines observed by Cottam et
al. (2002). The only way that narrow photospheric absorption lines can be accommo-
dated with a rapid spin frequency is if the neutron star in EXO 0748-676 is viewed
nearly pole-on, so that the line-of-sight component of the surface velocity is reduced.
Such a configuration, however, will also significantly suppress the amplitude of any
burst oscillation generated by a temperature inhomogeneity on the stellar surface. In
this paper, we explore this question by calculating the amplitudes of burst oscilla-
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tions and the width of absorption lines emerging from the surface of a rapidly rotating
neutron star. Our aim is to determine whether any combination of neutron star and
geometric parameters can simultaneously reproduce the different X-ray observations
of EXO 0748-676: a 552 Hz oscillation at 15% rms amplitude (Galloway et al., 2010)
and narrow absorption lines with AA/A = 0.018 at a gravitational redshift of z = 0.35
(Cottam et al., 2002; Villarreal & Strohmayer, 2004).
3.2 Models
We begin by considering a neutron star rotating at 552 Hz. A gravitational redshift
of 0.35 corresponds to a compactness 2GM/Rc2 = 0.45, where M and R are the
neutron star mass and radius. Because the width of lines from the neutron star
surface depends not only on the ratio M/R but also on the radius itself, we need to
specify the M and R that yield the measured gravitational redshift. We choose two
pairs of masses and radii: M = 1.4 M0, R = 9.2 km and M = 2 M0 , R = 13.1 km.
We are interested in generating a pulse amplitude that is at least as large as the
observed value of 15% (rms). This is because the intrinsic amplitude can easily be
reduced by a number of external effects, but it cannot be amplified. In contrast,
for the line widths, we search for configurations that yield line widths that are no
broader than the observed value of 0.018. Additional broadening mechanisms can
exist, whereas there is no process that can reduce the width beyond the intrinsic
rotational broadening we calculate here.
In our calculations, we model the exterior space time of the rotating neutron star
with a Schwarzschild metric but account for the relativistic Doppler boosts and the
time delays the photons experience when they are emitted from the rapidly rotating
surface. A comparison of this approximation with the results obtained for numerical
space times of rotating neutron stars show that the differences in the light curves are
not very large but that the Schwarzschild-plus-Doppler approximation yields larger
pulse amplitudes than do the exact space times (Cadeau et al., 2007).
The 552 Hz burst oscillations in EXO 0748-676 were detected in the rise of the
bursts, when the propagating burning front is thought to create a short-lived temper-
ature inhomogeneity on the neutron star surface (e.g., Strohmayer et al., 1997b). We
model the hot region as a single circular hot spot with angular radius p and assume
that the rest of the neutron star is dark; this assumption produces the largest rms
amplitude in the burst oscillation (Muno et al., 2002). The hot spot is located at
a colatitude a from the "north" rotational pole of the neutron star, taken to vary
between 0' and 1800. The angle between the observer's line of sight and the rotation
axis is denoted by 13, defined to lie between 0' and 900.
The light curves and the spectral line shapes also depend on the spectra and the
angular distribution of surface emission, which, in turn, are shaped by the neutron
star atmosphere (see, e.g., London et al., 1986; Madej, 1991). Analyses of the observed
burst spectra indicate that they are usually Planckian (e.g., Galloway et al., 2008)
and can be adequately modeled as blackbodies. We, therefore, make this assump-
tion in our calculations. We describe the angular distribution of photons emerging
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Figure 3-1. Minimum fractional width AA/A of an intrinsically narrow atomic line
emitted from the entire surface of a 552 Hz rotating neutron star as a function of
1 - cos /, where 0 is the angle between the rotation axis of the neutron star and
the line of sight to an observer at infinity. The two curves show the result for two
neutron stars with different masses and radii that correspond to a surface gravitational
redshift of z = 0.35. The solid portion of the curves indicates where the # value is
consistent with the observed line width limit (A A/A ; 0.018; horizontal line) reported
by Cottam et al. (2002). Only a small range of # values is consistent with this limit.
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Figure 3-2. Constraints on the inclination angle 13 of an observer at infinity and on
the colatitude a of a localized emission region on the neutron star surface responsible
for the burst oscillations during the rise phase of X-ray bursts for EXO 0748-676.
The rectangular hatched region shows the limit on the observer's inclination imposed
by the narrow widths of the absorption lines reported by Cottam et al. (2002). The
gray shaded region shows the constraints imposed by the 15% (rms) burst oscillation
amplitude reported by Galloway et al. (2010) and the phase-averaged flux observed
during the oscillations. Both calculations were performed for a hot-spot radius of 5'
on a neutron star with a mass of 1.4 MD and a radius that corresponds to a surface
gravitational redshift of z = 0.35. There are no pairs of inclination and colatitude
angles that are simultaneously consistent with both constraints.
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from the surface with a Hopf function (Chandrasekhar, 1960; DeDeo et al., 2001),
which is appropriate for the scattering-dominated neutron star atmospheres during a
thermonuclear burst.
With this setup, we calculated light curves from hot-spots radii of p = 5 - 450
using the algorithm described by Muno et al. (2002), based on the technique outlined
in Pechenick et al. (1983) and Miller & Lamb (1998). We then calculated the rms
amplitudes of the oscillations. The choice of small angular sizes of the hot spot
maximizes the amplitude of the flux oscillations that can be observed from the neutron
star.
In the next section, we will also need to ensure that the phase-averaged brightness
of these hot spots is sufficient to generate the observed flux at the time when the burst
oscillations were detected. We, therefore, calculated the phase-averaged luminosity
from each spot using Equation (1) of Psaltis et al. (2000). In order to convert this
luminosity to a flux, we need an estimate of the distance to EXO 0748-676. Even
though spectroscopic estimates for the distance to this source place it at > 7 - 9 kpc
(Ozel, 2006; Boirin et al., 2007), we adopt here a very conservative lower limit of
3 kpc in order to demonstrate that our results depend very weakly on the assumed
distance.
We calculated the spectral line broadening using the same formalism and approach
discussed in Ozel & Psaltis (2003). Relativistic Doppler boosts cause an asymmetry in
the spectral line profiles in addition to broadening them, while the strong gravitational
lensing effect alters the relative contribution of surface elements with different line-of-
sight velocities to the line profile. We take the input spectrum to be a Gaussian line
with negligible intrinsic width. We define AA as the full-width half-maximum of the
output spectral feature and the broadening of the spectral line as AA/A. Note that
the absorption lines were detected in the cooling tail of the bursts, when the emission
comes from the entire surface of the neutron star rather than a localized hot spot.
Thus, the spectral width will depend on the observer's inclination 3 but not on the
hot-spot colatitude a.
3.3 Results
We present here the constraints the two observations impose on the geometry of the
system for the value of the gravitational redshift of z = 0.35 inferred by Cottam et al.
(2002). Figure 3-1 shows the fractional width of an intrinsically narrow atomic line
emitted from the entire surface of the neutron star, as a function of the cosine of
the observer's inclination 0. As expected, the line broadening due to rotation scales
roughly as the non-relativistic expression
AA 2QRs
- ~ sin/3A c
= 0.21 s H 9.R (1 - cos2 /3)1/2 .(3.1)
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As the angle 3 decreases (and hence 1 - cos 3 also decreases), the projection of
the rotation velocity along the line of sight also decreases, causing the rotational
broadening of the line to be substantially reduced. For a neutron star of 1.4 M0 ,
the observed upper limit of Al/A < 0.018 (Villarreal & Strohmayer, 2004) on the
fractional width of the lines reported by Cottam et al. (2002) can be satisfied only if
cos # > (1 - 2.6 x 10-3) or, equivalently, if the observer's inclination is within 4.1'
from the rotation axis of the neutron star.
The posterior chance probability that we are observing the neutron star in EXO
0748-676 within 4.10 of its rotation axis is exceedingly small. Assuming a random
distribution in the orientation of observers in the sky, i.e., a distribution that is flat
in cos/3, leads to a chance probability of < 2.6 x 10~3. More importantly, as we
show below, such a face-on orientation of the system is inconsistent with the > 15%
amplitudes of burst oscillations reported by Galloway et al. (2010) in the same source.
Figure 3-2 shows the constraint on the inclination angle # of the observer and the
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colatitude a of the hot emitting region that gives rise to the burst oscillations during
the rise phase of X-ray bursts. This constraint is obtained by imposing two require-
ments (see Psaltis et al., 2000): The rotating hot spot should produce oscillations
with an rms amplitude of at least 15% and the phase averaged flux in the 2.5-25 keV
range should be larger than 3 x 10-10 erg s- cm-2, observed at the time when the
oscillations were detected (Galloway et al., 2010). The first requirement constrains
the observer's inclination 3 and the colatitude of the spot a to be away from the
rotational pole of the star. The second requirement excludes nearly antipodal ori-
entations between the observer and the hot spot, in which case the spot is almost
completely hidden from view.
These two requirements can be met in the light gray shaded region, i.e., only when
the inclination of the observer is #3 > 11 , such that (1 - cos 3) > 2 x 10-2. If the
inclination of the observer is smaller than this value or the colatitude of the emitting
region is close to zero, then the amplitude of the burst oscillations is reduced below
the detected value. If, on the other hand, the colatitude of the hot spot is > 550, so
that cos a , 0.6, then the rms amplitudes can be very large but the phase-averaged
flux goes to zero. In our calculations, we assume that all of the emission originates
from the hot spot. Taking into account any emission from the rest of the neutron
star, at a lower temperature, may help increase the observed flux, but this would also
significantly reduce the pulse amplitude that can be detected.
The hatched region shows the area of the parameter space that is consistent with
the width of the narrow lines reported by Cottam et al. (2002). As discussed earlier,
this places a constraint only on the observer's inclination # because the entire neutron
star is expected to emit during the cooling tails of the bursts when the lines were
detected. Figure 3-2 demonstrates, therefore, that the narrow width of the reported
atomic lines is inconsistent with the observed amplitudes of the burst oscillations for
any emission geometry and observer orientation with respect to the rotation axis of
the neutron star.
The particular constraints shown in Figure 3-2 depend on the mass of the neutron
star as well as the angular size of the hot spot. Increasing the mass while keeping
the redshift the same results in a neutron star with a larger radius. This causes
the constraint imposed by line broadening to be even stricter (see Figure 3-1 and
Equation (3.1)), and the observed flux for a given angular spot size to be larger.
Figure 3-3 shows these effects for a 2.0 Mo neutron star and demonstrates that even
though the individual constraints change, there is still no part of the parameter space
that is consistent with both requirements.
Increasing the size of the hot spot does not change this conclusion either. We
show in Figure 3-4 the allowed regions of the parameter space calculated for a hot-
spot radius of 450. Even though a larger range of hot-spot colatitudes can generate
the observed flux, the larger size of the hot spot substantially reduces the amplitude
of oscillations (especially at the antipodal orientations between the hot spot and the
observer), thus limiting further the observer's inclination. The combination of these
two effects leaves again no region of the parameter space that is consistent with the
width of the atomic lines.
We also considered possible uncertainties in the timing measurement. Our calcula-
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Figure 3-4. Same as Figure 3-2 for a hot-spot radius of 45'.
tions show that no region of the parameter space is allowed unless the rms amplitude
is smaller than 7%. Such a small value of the amplitude is excluded by the timing
observations at more than a 4a level. Along the same lines, we explored the pos-
sibility that the detected 552 Hz burst oscillation is at the second harmonic of the
spin frequency of the neutron star. We verified that there is still no combination of
parameters that is consistent with both requirements, even without including the fur-
ther geometrical constraints that are necessary to make the second harmonic stronger
than the fundamental.
Finally, our conclusion depends rather weakly on the identification of the reported
spectral features with particular atomic lines and hence on the assumed gravitational
redshift from the surface of the neutron star. Rauch et al. (2008) identified the
observed spectral features in EXO 0748-676 with a different set of atomic transitions
and concluded that the gravitational redshift from the neutron star surface is z = 0.24.
We repeated the above calculations for this value of the redshift and found again that
no region of the parameter space is simultaneously consistent with both observations.
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We, therefore, conclude that the lines reported by Cottam et al. (2002) are unlikely
to originate from the photosphere of this neutron star. As a result, any inference
of the neutron star mass and radius based on this redshift measurement (e.g., Ozel,
2006) is not tenable.
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Chapter 4
Evaluating the Significance of High
Frequency Burst Oscillations in
RXTE catalogue of type-I X-ray
bursts
Abstract
Burst oscillations, detected in many Type-I X-ray bursts, have been utilized to identify
the spin frequency of neutron stars. Fourier techniques are often used in searching for
oscillations in X-ray time series. By simulations, we show that, given a large variety of
bursts with different shapes and different peak count rates, the resulting distribution
of the noise powers does not strictly follow the canonical X' distribution. While the
deadtime effects tend to suppress the noise power, the shape of the burst light curve
can cause overestimation of the significance of pulsed signals. We introduce two cor-
rection factors Kdead and Kshape in obtaining corrected noise power distribution. We
applied our method in searching for high frequency oscillation modes (HFMs) within
the archival Rossi X-ray Timing Explorer (RXTE) type-I X-ray bursts catalogue. We
place upper limits on the amplitude of such oscillations in the burst archive.
4.1 Introduction
Type-I X-ray bursts are sudden increases in the X-ray intensities of accreting NSs.
Typical type-I X-ray bursts have fast rise times of ~1 s, exponential-like decays
lasting 10 -100 s, and recurrence times of a few hours to days (see, e.g., Strohmayer &
Bildsten, 2006, for an overview). The thermonuclear flash model successfully explains
the general features of the type-I X-ray bursts as a result of unstable hydrogen or
helium burning on the surface of an accreting NS (Grindlay & Heise, 1975; Woosley
& Taam, 1976; Maraschi & Cavaliere, 1977, see Lewin et al., 1993, for a review).
Burst oscillations have been detected in type-I X-ray bursts from 17 sources
(Strohmayer & Bildsten, 2006, and references therein). Moreover, the oscillations
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detected in different bursts from the same source usually have an identical frequency
which is interpreted to be the NS spin frequency (in't Zand et al., 2001; Chakrabarty
et al., 2003). These oscillations have been detected in many type-I X-ray bursts either
before or after the peak (Strohmayer et al., 1996b; Muno et al., 2001, and references
therein). Oscillations during the burst rise are understood to be caused by the rota-
tional modulation of a spreading hot spot (Strohmayer et al., 1997b, 1998). However,
this model cannot explain oscillations during the burst decay, during which the entire
neutron star surface radiates. It has been suggested that oscillations in the burst tail
arise in surface modes excited on the neutron star (see, e.g., McDermott & Taam,
1987; Lee, 2004; Heyl, 2004; Piro & Bildsten, 2005; Narayan & Cooper, 2007). How-
ever, the mechanism that drives the modes is not well understood. Besides the strong
oscillations associated with the neutron star spin frequency, some of these models are
capable of producing additional weak oscillations at higher frequencies (Piro & Bild-
sten, 2005; Narayan & Cooper, 2007). We call these modes "High Frequency Modes"
(HFMs) hereafter in this paper. HFMs would not necessarily arise at integer multi-
ples of the spin frequency. A systematic search for HFMs could strongly constrain
surface mode models.
Most burst oscillations have been reported to be within the range of 270 - 619 Hz
(Chakrabarty et al., 2003) with few exceptions. A weak 45 Hz X-ray oscillation from
EXO 0748-676 in the summed power spectra of 38 thermonuclear bursts was reported
(Villarreal & Strohmayer, 2004). However, Galloway et al. (2010) subsequently de-
tected more powerful 552 Hz oscillations in RXTE observations of two 2007 bursts
separated by 11 months. The properties of these burst oscillations allow a firm iden-
tification of 552 Hz as the spin frequency (Galloway et al., 2010, see also Chapter 3),
calling the 45 Hz signal into question (Lin et al., 2010). There was also an uncon-
firmed detection in XTE J1739-285 at a frequency of 1122 Hz (Kaaret et al., 2007),
which was detected in one of the six archival type-I X-ray bursts. Although it has
never been confirmed and is not higher than the maximum spin frequency without
breaking up the NS by centrifugal force (Cook et al., 1994), this frequency is the
highest frequency that has ever been reported in burst oscillations.
In this chapter, we study the archival Rossi X-ray Timing Explorer (RXTE) type-
I X-ray bursts (Galloway et al., 2008) for two purposes: (i) searching for HFMs
in the bursters with known spin frequencies, and (2) searching for spin frequency
oscillations for the sources without known spin frequencies. We performed the search
and evaluated the significance of the signals utilizing Fourier techniques (see, e.g.,
van der Klis, 1988, for a review).
Type-I bursts are events with high count rates which might lead to detection
bias. Moreover, the high variability of the count rate during a burst would not be
removed by subtracting the mean count rate. The information of the count rate
variability would still be reflected in the noise level. We show that the instrumental
dead time and the variability of the burst count rate would distort the Fourier noise
powers distribution. We present our method of calculating the corrected significance
of signals in §4.2. We described the data set in which we performed the search for
HFMs, as well as the searching strategies, in §4.3. The results are presented in §4.4.
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4.2 Methodology
Fourier techniques are frequently used in searching for periodic or nearly periodic
oscillations in X-ray time series. The Fourier power distribution of a Poissonian
time series follows a x2 distribution with 2 degrees of freedom. In a binned power
spectrum, the detection level for a canonical x2 distribution can be calculated by
following equation (see, e.g., van der Klis, 1988, for an overview):
= Qx2(F x Pthreshold 2 X F), (4.1)
Ntrial
where Pthreshold denotes the (1 - c) confidence detection level, F denotes the binning
factor of the power spectrum, and the cumulative probability of the x2 distribution
is defined as
Q(x 2 |v) [2/2],( 0 -ItF e- dt. (4.2)
where v denotes the number of degrees of freedom (Ndf) and the overall integral
indicates the probability of a noise power exceeding a certain value. When increasing
the binning factor F, the distribution of noise powers becomes more and more a
Gaussian like distribution with smaller standard deviation. The above equations
adopt the normalization used by Leahy et al. (1983), wherein the mean noise power
equals 2.
For time series with constant mean count rate and Poisson noise, the Leahy-
normalized Fourier noise powers strictly follow the canonical x2 distribution with a
mean value of 2 and Ndaf = 2F . However, in practice, the noise power distribution
can be distorted by two effects: (1) The instrumental deadtime might distort the
Poisson process when collecting photons in the detector; (2) The variability in burst
count rate is reflected in the noise level of the light curve, and thus cannot be removed
by simply subtracting the mean count rate. Consequently, adjacent bins in the power
spectra are not independent. The noise power distribution for such a burst light curve
can often still be approximated by a x2 distribution. However, we no longer have
Ndf =2F. Therefore, evaluating the significance of a signal with the canonical x2
distribution would lead to an incorrect conclusion. In order to evaluate the significance
of the signals properly, we need to quantitatively investigate the distorted noise power
distribution for each individual burst by performing Monte-Carlo simulations.
To generate simulated light curves for an actual type-I X-ray burst, we first pro-
duce a seed light curve based on the Standard-i mode data from an RXTE obser-
vation, which has a time resolution of 0.125 s, long compared to the millisecond
oscillations we are searching for. From this smoothed seed light curve, simulated
light curves with time resolutions of 2-1' s can be generated by simulating the X-ray
photon collecting process on the PCA: when an incoming photon is detected by a
PCU, the expected waiting time for the next event follows a decaying exponential
distribution with the mean value T = (count rate) -1. The mean count rate at a spe-
cific time bin is provided by our seed light curve. Due to instrumental dead time,
following a recorded event, an incoming photon can be recorded only if the time inter-
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Figure 4-1. The canonical and simulated noise powers distribution. Left: The seed
light curve with a constant count rate (2 x 8192 = 16, 384 cts s- 1 per PCU) were
plotted as a dashed line. Assuming 4 working PCUs suffering from zero deadtime
effect, the simulated light curve was plotted as the solid curve. All light curves we
show in this paper are plotted after been binned into 1024 bins. This smoothing is
solely for the convenience of reading, and it is not a standard routing in our data
analysis. Middle: The normalized probability density of detecting a specific noise
power based on 10,000 simulated curves was plotted as the solid curve. The canonical
x2 distribution with Ndof = 16 is plotted as a dotted curve. Right: The cumulative
probabilities, i.e. the overall probability of a noise power exceeding certain value.
Noise power distribution from the simulations were plotted as the solid curve, the
distribution predicted by canonical x2 distribution is plotted as the dotted curve. As
expected, the solid curve coincides with the dotted curve , confirming that the noise
powers strictly follow the canonical x2 distribution.
val between two events is larger than the instrumental dead time. In our simulations,
we assumed a non-paralyzable deadtime effect (see, e.g. Zhang et al., 1995), i.e., only
a recorded photon could cause the effect. Then we summed up the recorded photon
numbers within each time bin for one PCU. When more than one PCUs are working,
we perform parallel simulations for each PCU, and produce the simulated burst light
curve by summing up data from all PCUs.
For each individual archival type-I X-ray burst, we generate 10,000 simulated
light curve. We then Fourier transform these simulated light curves and obtain the
noise power distribution for each individual burst. We investigated the effects of
instrumental dead time, the variability in count rate, and the combination of both
effects by analyzing following four different cases:
1. Case 1 Assuming no deadtime effect and a seed light curve with a constant
count rate, the simulated light curve should have constant mean count rate with
Poissonian noise.' Taking a binning factor of F = 8 on the power spectra, the
Fourier noise powers strictly follow the x 2 distribution with Ndf = 2 x 8 = 16
'All light curves we show in this paper are plotted after been binned into 1024 bins. This
smoothing is solely for the convenience of reading, and it is not required in our data analysis.
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Figure 4-2. Same plot as Figure 4-1 for a constant mean count rate with a constant
instrumental dead time. Left: A simulated light curve (solid) detected by 4 working
PCUs with a constant non-paralyzable instrumental dead time, based on a seed light
curve (dashed) with a constant count rate (16384 cts s-1 per PCU). Middle: The
normalized probability density of detecting a specific noise power based on 10,000
simulated curves was plotted as the solid curve. The dotted curve represents the
canonical X2 distribution with the mean power 2. The blue dashed curve denotes
the "corrected" X2 distribution with the mean power 1.544. Right: The solid curve
represents the cumulative probabilities based on 10,000 simulated curves. The dotted
curve represents the prediction of canonical X2 distribution. The blue dashed curve
are given by the corrected distribution in which the noise powers were suppressed in
a linear way.
(Figure 4-1). 2
2. Case 2 We assumed a non-paralyzable instrumental deadtime of Tdead = 8.9 X
106 s for each PCU. The seed burst light curve still has constant mean count
rate. However, the Fourier noise power distribution no longer follows the canon-
ical X2 distribution. The distortion of the noise power by deadtime effects is
usually complicated (Zhang et al., 1995). The deadtime effect for multiple PCUs
cannot be analytically calculated from Tdead for one single PCU. However, the
process with constant Tdead has been simulated (see van der Klis, 1988, for a
review); the expectation value of the noise power spectrum can be written as:
(Pj,noise) = 2(1 - pTdead) 2 1 + 2( pdead Tdead ) sin 2  , (4.3)
d1 - pread T/N N]
where p is the detected count rate y = A(1 + TdeadA)-1, A is the incident count
rate (van der Klis, 1988), N is the number of bins and T is the total duration of
the light curve. In our case _ T)< 1, so that bin-to-bin differences
can be generally ignored. Therefore, Equation 4.3 can be written as (P) =
2 x Kdead. Apparently, if Tdead = 0 s, the correction factor Kdead = 1; the mean
2If not otherwise specified, we take the binning factor F = 8 in all our power spectra.
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Figure 4-3. Same plot as Figure 4-1 based on an actual burst without including in-
strumental dead time. Left: The standard1 mode data of a SAX J1808.4-3658 burst
detected by PCU2 (OBSID 70080-01-02-00) was plotted as a dashed curve. Based on
the standard1 mode light curve, assuming 4 working PCUs without instrumental dead
time, 10,000 simulated burst light curves were generated, one of which was plotted as
the solid curve. Middle: The normalized probability density of detecting a specific
noise power based on 10,000 simulated curves was plotted as the solid curve. The dot-
ted curve denotes a canonical x2 distribution with Ndef = 2 x 8 = 16. The blue dashed
curve denotes the corrected x2 distribution with Ndf = 2 x 0.54 x 8 = 8.64. Right:
Cumulative probabilities are plotted as the solid curve. The dotted curve represents
the prediction of a canonical x 2 distribution. The blue dashed curve represents the
"corrected" x2 distribution.
power is 2 as predicted by the canonical X2 distribution.
For a power spectrum, we can calculate the deadtime correction factor Kdead
from the mean value of the power. Once the value of Kdead is determined, the
noise power distribution is linearly suppressed by the same factor, as shown
in Figure 4-2. In our example, the mean value of the Fourier powers of this
simulated burst light curve is 1.544. Therefore, the deadtime correction fac-
tor Kdead = 1.544/2 = 0.772. Based on the canonical X2 distribution with
Ndf = 16, if we multiply each power with Kdead, the "corrected" noise power
distribution is consistent with the simulations. We therefore conclude that, with
constant instrumental dead time, the probability of the distorted noise powers
exceeding a certain value Pthreshold equals the probability of the "undistorted"
noise powers exceeding Ptreshold x K-la. Since Kdead < 1 for all bursts, the
constant deadtime effect tends to underestimate the significance of a true signal
and would make the power spectrum more "quiet".
3. Case 3 We study how the variability of the burst count rate would distort
the noise power distribution without instrumental dead time. This effect is
determined by the unique shape of the burst. In a Fourier power spectrum, the
noise power in different bins is independent only if the light curve has a constant
mean count rate (Watts et al., 2005). Otherwise, the Poisson variability of the
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count rate would still be present in the time series even after subtracting the
mean count rate. This effect is hard to characterize analytically. However, we
found that empirically the distorted noise power distribution is still described
by a x2 distribution, but with a smaller Ndf < 2F. This can be written as
Ndf = 2 x Kshape x F, where Kshape is a correction factor due to the variability
of the mean count rate of the burst. We found 0 < Kshape < 1 for most bursts.
Given the uniqueness of individual burst shapes, there is a unique value of
Kshape associated with each actual burst.
We take an actual type-I X-ray burst as our example. This burst was detected
on October 18th, 2002 from the source SAX J1808.4-3658 (OBSID 70080-01-
02-00). We extracted the Standard-i mode light curve from a single PCU (PCU
2) as the seed light curve. Assuming 4 working PCUs and no instrumental dead
time, 10,000 simulated light curves were produced. The noise powers follow a
x2 distribution with Ndf 2 x Kshape x 8. The best fitted Kshape for this burst
is Kshape= 0.54 (see Figure 4-3). The mean value of all noise powers is 2.00002,
which confirms that the distorted distribution still follows a x2 distribution with
a smaller Ndef.
Equivalently, the correction in Ndaf can be treated as the correction in the
binning factor of the power spectrum. For example, if Kshape = 0.5 and F 8,
when we average 8 adjacent frequency bins, we are actually averaging 8 x 0.5 4
independent bins. The noise powers would have a larger standard deviation than
being binned with a, factor of 8. Noises have high probability of exceeding certain
detection level Pthreshold. Therefore, this effect overestimate the significance of
signals and makes the power spectrum "noisier".
4. Case 4 Finally we combined both distortion effects; Based on the the same seed
light curve as in Case 3, we generated 10,000 simulated bursts with constant
non-paralyzable instrumental dead time Tdead= 8.9 x 10-6 S.
As discussed in the previous cases, the correction factors Kdead and Kshape have
different effects on the power spectra. The deadtime effect is the only factor
that would change the mean value of the noise powers, while Kshape reduces the
Ndf without changing the mean power. Therefore,for each power spectrum, we
are able to calculate Kdead by averaging the noise powers, as described in Case
2. As the 10,000 simulated light curves were generated based on the same seed
light curve, the correction factor Kshape= 0.54 is universal. We then obtained
the corrected Ndof as described in Case 3. Empirically, we found that the two
correction factors which were obtained separately could be combined to obtain
the corrected noise power distribution. For a distorted power spectrum, the
(1 - c) confidence detection level Pthreshold should be calculated by the following
equation:
= QX2(F x Pthreshold X Kshape 2 x Kshape x F), (4.4)
Ntriai Kead
where Q(X2 |v) is again given by Equation (4.2). Fig. 4-4 shows that the cor-
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Figure 4-4. Same plot as Figure 4-3 based on an actual burst with constant instru-
mental dead time. Left: The standard1 mode data of a SAX J1808.4-3658 burst
detected by PCU2 (OBSID 70080-01-02-00) was plotted as a dashed curve. Based
on the standard1 mode light curve, assuming 4 working PCUs, 10,000 simulated
burst light curves were generated, one of which was plotted as the solid curve. Mid-
dle: The normalized probability density of detecting a specific noise power based on
10,000 simulated curves was plotted as the solid curve. The dotted curve represents
a canonical x2 distribution with Ndof = 2 x 8 = 16. The blue dashed curve denotes
the "corrected" x2 distribution with Ndf = 2 x 0.54 x 8 = 8.64 and a mean power
of 1.544. Right: Cumulative probabilities are plotted as the solid curve. The dotted
curve represents the prediction of a canonical x2 distribution. The blue dashed curve
represents the "corrected" x2 distribution.
rected noise power distribution given by Equation 4.4 is consistent with the
simulations.
Even though the correct way to evaluate the significance of a detected signal
is to perform simulations for the specific burst in which the signal was found, our
semi-numerical method would allow us to design a more strategic preliminary search
utilizing Equation 4.4.
4.3 Data and Searching Strategies
We applied the techniques developed in the previous sections to make a systematic
search for HFMs in archival type-I X-ray bursts observed by RXTE. We used the
bursts identified in the catalog by Galloway et al. (2008), which contains more than
1000 type-I bursts spanning more than 10 years from 48 bursters. For each burst,
we used single-bit and generic event mode data to generate a binned light curve for
analysis. Where there were gaps present in the event mode data, we used binned
"burst catcher" mode data to fill these gaps in. The data were binned at 2-1 s
(=122ps) resolution, summing over all available energy channels.
Searches for NS spin frequencies often employ incoherent averaging of multiple
power spectra in order to reduce the noise level; this strategy is possible because we
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expect the spin frequency to be a stable, repeatable quantity. However, in the present
analysis, we do not assume that the HFMs in a given source will always appear at the
same frequency, so we cannot employ such an averaging technique. We also make no
assumptions about whether HFMs are more likely to occur during a particular part
of the burst, e.g. in the rise or the decay. Instead, we applied a uniform analysis
for all the bursts, analyzing a 30 second interval starting 5 seconds before the burst
onset. In nearly all cases, this is sufficient to cover the entire burst event.
Given our 122 ps binning, each burst light curve contains 245,760 time bins. We
analyzed 1087 archival bursts by computing Fourier power spectra with a frequency
resolution of 1/30 Hz and a maxmum (Nyquist) frequency of 4096 Hz. We search
for signals in the 32-4096 Hz range. The noise power spectrum in this range is not
affected by the red noise components that dominate at lower frequencies. Our analysis
consisted of the following steps:
1. Step. 1 We computed the Fourier power spectrum for each burst light curve.
Due to the highly non-constant shape of the burst light curve, adjacent bins in
a power spectrum are not independent. We rebinned each power spectrum by
a factor of F = 8 in order to minimize the correlations between adjacent bins.
This resulted in (4096 - 32) x 30/8 = 15, 240 bins for each power spectrum.
Given 1087 light curves, our search thus effectively consitutes 16,565,880 statis-
tical trials (the total number of independent bins searched). Hereafter, if not
otherwise specified, any power spectra we discuss refer to these rebinned power
spectra.
For each burst, we calculated the corresponding correction factor Kdad due to
deadtime effects. Although each burst has a unique shape, we chose an initial
value Kshape = 0.5. We used this initial value to make a preliminary evaluation
of the statistical significance of any peaks in the power spectrum. For each
burst, with Kdead and Khape, we computed a corrected X2 distribution for the
burst using Equation 4.4. We used this corrected distribution to calculate the
4o- detection threshold, corresponding to a confidence level of (1 - 6.2 x 10-)
for a single burst (15,240 trials). Any power spectral peaks above this threshold
were subjected to the next analysis step, unless it corresponded to a previously
known burst oscillation at the neutron star spin frequency.
2. Step. 2 For each candidate identified in Step. 1, we used the Standard-i mode
(0.125 s) light curve of that specific burst as a template for generating 10,000
simulated light curves in order to evaluate deadtime efects. We used these
simulations to compute Kshape for this particular burst. We then used this
refined Ksape in Equation 4.4 to obtain a more accurate confidence level for
the candidate; again, this gives the significance for a search of this single burst.
However, in order to properly evaluate the significance of this candidate, we
must account for statistical trials involved in searching all of the 1087 bursts, not
just this burst. The most rigorous way of doing this would involve computing
10,000 simulated light curves for each of the other 1086 bursts. However, we
instead simply used Ntrial = 15240 x 1087 = 16, 565, 880 in place of Ntriai =
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Table 4.1. Upper Limits of the rms Amplitude of High Frequency Modes.
Source Name Number of Bursts Searched upper Limit of rms amplitude Detected Frequency (Hz)
4U 0513-40 11 2.1% 1148
EXO 0748-676 104 2.7% 217
MXB 1659-298 26 4.2% 893
4U 1702-429 43 3.1% 332
4U 1728-34 112 3.4% 3279
SAX J1808.4-3658 6 3.1% 1206
3A 1820-303 5 2.8% 2245
Aql X-1 62 2.2% 705
4U 1724-307 3 7.4% 1987
Note. - The rms amplitude upper limits of high frequency modes have been listed in above table (see
text). Divided by the horizontal line, the upper portion of the table shows the sources with known spin
frequencies, while the lower portion corresponds to the sources without known spin frequencies. Signals
associated with known spin frequencies were excluded in the analysis. For the sources that are not listed
in this table, the detected rms amplitude upper limits are smaller than 2%. These sources include iM
0836-425, 4U 0919-54, 4U 1254-69, 4U 1323-62, 4U 1608-52, 4U 1636-536, 4U 1705-44, XTE J1709-267,
XTE J1710-281, XTE J1723-376, KS 1731-260, SLX 1735-269, 4U 1735-44, XTE J1739-285, KS 1741-293,
GRS 1741.9-2853, 2E 1742.9-2929, SAX J1747.0-2853, IGR 1747-2721, SLX 1744-300, GX 3+1, 1A 1744-
361, SAX J1748.9-2021, EXO 1745-248, 4U 1746-37, SAX J1750.8-2900, GRS 1747-312, XTE J1759-220,
XTE J1814-338, GX 17+2, GS 1826-24, XB 1832-330, Ser X-1, HETE J1900.1-2455, 4U 1916-053, XTE
J2123-058, 4U 2129+12, and Cyg X-2. The detected frequencies randomly distributed within the search
range.
15240 in Equation (4.4). This is equivalent to assuming that all the bursts
searched had the same shape, which should be a sufficiently good approximation
for the purpose of evaluating significance.
4.4 Results
Although our analysis identified many candidate signals above the nominal 4o- single-
burst confidence level described above, the majority of these corresponded to previ-
ously known burst oscillations associated with the neutron star spin. The remaining
candidates may be divided into two groups: new candidate frequencies from sources
with previously known burst oscillation spin frequencies, and candidates from sys-
tems whose spin frequency is not yet known. These candidates are summarized in
Table 4.1.
For systems whose spin is already known, the most significant HFM candidate was
found in a burst on 2001 July 22 (OBSID 50030-03-06-02) from 4U 1728-34, whose
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Figure 4-5. Panel (a): A signal has been detected in the binned spectrum of an
archived type-I X-ray burst occurred on May 22nd, 2004 (OBSID 90058-06-02-00)
from the source 4U 1724-30, based on the 5-30 keV burst light curve. Panel (b):
Based on the Standard-1 mode data (dotted), one of the 10,000 simulated burst light
curve, starting 5 seconds before the rise of the burst and lasting for 160 seconds,
was shown as the solid curve. Panel (c): The normalized probability density (solid
curve) of detecting a specific noise power based on simulated curves was plotted
as the solid curve. The dotted curve represents a canonical x 2 distribution with
Ndof = 2 x 8 = 16. The blue dashed curve denotes the corrected x 2 distribution
with Ndaf = 2 x 0.32 x 8 = 5.12 and a mean power of 1.95 (Kdead = 0.975 and
Kshape = 0.32). Panel (d): Cumulative probabilities are plotted with the same
color code as in panel (c). The large discrepancy between the corrected noise power
distribution and the canonical distribution suggests that the canonical x2 distribution
overestimates the significance of powers.
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known spin frequency is 363 Hz (Strohmayer et al., 1996b). The HFM candidate
frequency was 3279 Hz (Figure 4-6), with a rebinned power of 15.3. The correction
factors for this burst were Kdead = 0.95 and Kshape = 0.44, yielding a single-burst
confidence of level of (1 - 1.1 x 10-5) confidence level. For the full archival search,
this corresponds to a confidence level of only (1 - 1.2 x 10-2), equivalent to a - 2o-
significance level.
For the sources without known spin frequencies, none of the candidates were
of very high significance in the standard search. However, follow-up of one of the
candidates led to a signal of interest in a burst from 4U 1724-30. There are only 3
archival bursts from this source in the RXTE catalog, and no burst oscillations were
previously reported. Our candidate was detected in a burst on 2004 May 22 (OBSID
90058-06-02-00), in a follow-up analysis of a 160 s light curve (see Figure 4-5). In this
follow-up analysis, we restricted the energy range to channels 11-6868 (5-30 keV) and
rebinned the power spectrum by a factor of F = 8, leading to 4064 x 160/8 = 81, 280
bins in the power spectrum. A candidate signal was found at 1987 Hz with a rebinned
power of 23.9. The estimated correction factors for this burst are Kdead= 0.975 and
Kshape= 0.32, leading to a single-burst confidence level of (1-3 x 10-7), corresponding
to a > 5o- detection for a single burst. We applied the same time and energy cuts to the
other two bursts from this source, but no signal was found. We also performed similar
time cuts and energy selections in other sources with signal candidates detected in
"step 1" of our searching. Again, no significant signals were detected. Accounting
for all of these statistical trials, we have Ntria 81, 280, 000, yielding an overall
confidence level of only (1 - 3 x 10-'), equivalenth to a 3.5- significance level. level.
It is useful to place upper limits on the amplitudes of HFMs that might be present
in the RXTE data. For the standard search of 30 s light curves, none of our candi-
dates exceeded an overall confidence level of 98.8% (,< 2.5- significance). The rms
()1/2
amplitude for each candidate was calculated as A, = " , where P, is the
power at nth bin of the Fourier spectrum, I, is the total number of counts, and By is
the estimated number of background counts (Muno et al., 2002). We quote the largest
rms amplitude for a given source will be quoted as the upper limit for that source.
Sources with rms amplitude upper limits larger than 2% are listed in Table 4.1. For
sources with known spin frequencies, excluding their spin frequencies, the overall rms
amplitude upper limit for HFMs is < 4.2%. If we include the follow-up candidate at
1987 Hz in 4U 1724-307, then the upper limit for the entire burst catalog is < 7.4%.
4.5 Discussion
We have made a systematic search for high-frequency oscillation modes in type-I X-
ray bursts observed by RXTE. The upper limits we have placed suggest that any such
modes must be intrinsically weak. It is thus unlikely that current instrumentation
will be capable of identifying such phenomena.
In order to carry out our search, we developed a a semi-numerical method, which
utilized two correction factors Kdead and Kshape, enabling a more robust calculation of
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Figure 4-6. The most "significant" high frequency signal was detected in one of the
4U 1728-34 bursts (OBSID 50030-03-06-02). Panel (a): A signal was detected in
the binned Fourier power spectrum, with a peak power 15.3 at 3279 Hz. Panel (b):
The standard1 mode data of the burst detected by PCU2 was plotted as a dashed
curve. One of 10,000 simulated light curves was plotted as the solid curve, assuming 4
working PCUs. Panel (c): The normalized probability density of detecting a specific
noise power based on simulations was plotted as the solid curve. The dotted curve
represents a canonical X2 distribution with Ndf = 2 x 8 = 16. The blue dashed
curve represents the "corrected" x2 distribution with Ndof = 2 x 0.44 x 8 = 7.04 and
a mean power of 1.90 ( Kdead - 0.95 and Kshape = 0.44). Panel (d): Cumulative
probabilities are plotted with the same color code as in panel (c).
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the statistical significance of candidate periodic signals in X-ray burst power spectra.
Use of such techniques is necessary to avoid artificial inflation of detection significances
by instrumental deadtime effects and the highly non-constant light curve shapes of
X-ray bursts.
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Chapter 5
LMXB and IMXB Evolution: I.
PSR J1614-2230 and Longer
Period Systems
Abstract
We have computed an extensive grid of binary evolution tracks to represent low- and
intermediate-mass X-ray binaries (LMXBs and IMXBs). The grid includes 42,000
models which cover 60 initial donor masses over the range of 1 - 4 M0 and, for each
of these, 700 initial orbital periods over the range of 10 250 hr. These results can be
applied to understanding LMXBs and IMXBs: those that evolve analogously to CVs,
that form ultracompact binaries with Porb in the range of 6 - 50 minutes, and that
lead to wide orbits with giant donors. We also investigate the relic binary recycled
radio pulsars into which these systems evolve. To evolve the donor stars in this study,
we utilized a newly developed stellar evolution code called "MESA" that was designed,
among other things, to be able to handle very low-mass and degenerate donors. This
first application of the results is aimed at an understanding of the newly discovered
pulsar PSR J1614-2230 which has a 1.97MO neutron star, Porb = 8.7 days, and a
companion star of 0.5 M0 . We show that (1) this system is a cousin to the LMXB
Cyg X-2; (2) for neutron stars of canonical birth mass 1.4 M®, the initial donor stars
which produce the closest relatives to PSR J1614-2230 have a mass between 3.4 and
3.8 M®; (3) neutron stars as massive as 1.97 MO are not easy to produce in spite of
the initially high mass of the donor star, unless they were already born as relatively
massive neutron stars; (4) to successfully produce a system like PSR J1614-2230
requires a minimum initial neutron-star mass of at least 1.6 ± 0.1 M 0 , as well as
initial donor masses and Porb of ~4.25 ± 0.10 MO and -49 ± 2 hr, respectively; and
(5) the current companion star is largely composed of CO, but should have a surface
H abundance of ~ 10-15%.
This chapter is adapted from the paper "LMXB and IMXB Evolution: I. The
Binary Radio Pulsar PSR J1614-2230" by Jinrong Lin, Saul Rappaport, Philipp
Podsiadlowski, Lorne Nelson, Bill Paxton, and Petar Todorov, published in The As-
trophysical Journal, 2010, Vol. ~723, p. 1053-1056. I performed most of the work
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for this paper, including working extensively on the driver code, running numerous
"calibration" binary evolution runs to test both the driver and MESA's performance,
running all of the production binary evolution runs, doing the data management and
mining, and producing all the figures.
5.1 Introduction
There has been an-ongoing effort to understand the evolution of low-mass X-ray
binaries (LMXBs) since their basic nature was understood back in the late 1960s
and early 1970s (see, e.g., Faulkner, 1971; Rappaport et al., 1983; Webbink et al.,
1983; Joss & Rappaport, 1984; Nelson et al., 1985; Pylyser & Savonije, 1988, 1989;
Bhattacharya & van den Heuvel, 1991; Iben et al., 1995; Podsiadlowski et al., 2002;
Pfahl et al., 2003; Nelson et al., 2004; Belczynski et al., 2008). There are two rather
distinct parts of the evolution to consider: (1) the formation of a neutron star (NS)
in orbit with a low-mass donor star, and (2) the subsequent portion of the evolution
when mass is transferred from the companion donor star to the neutron star.
The difficulty with the first part of the evolution involves the conceptual problem
of keeping the binary system bound while the massive progenitor of the NS explodes
in a supernova event. A part of this problem was addressed by invoking a common
envelope phase during which the lower-mass secondary ejects the envelope of the
massive NS progenitor (Paczynski, 1976; Meyer & Meyer-Hofmeister, 1979; Webbink,
1979; Bhattacharya & van den Heuvel, 1991). However, even this solution is not so
straightforward in that there may be insufficient gravitational energy release between
the inspiraling low-mass star and the core of the NS progenitor to successfully eject
the envelope (see, e.g., Dewi & Tauris, 2000; Pfahl et al., 2003). This difficulty could
be overcome by invoking secondaries that are of intermediate mass, e.g., 2 - 4 M® to
increase the gravitational energy release (see, e.g., Pfahl et al., 2003). In turn, there
has been a persistent conceptual misunderstanding that the transfer of mass from a
star of 2 - 4 MD onto a 1.4 M® NS was dynamically unstable. That was shown to
be untrue (Pylyser & Savonije, 1988, 1989; Tauris & Savonije, 1999; Podsiadlowski &
Rappaport, 2000; King et al., 2001; PRP02; see also Davies & Hansen, 1998; King &
Ritter, 1999).
Starting in the 1970s and continuing until the present, there have been numerous
evolution studies of a limited number of LMXBs and intermediate-mass X-ray binaries
(IMXBs) exploring the various paths which lead to very different intermediate and
end-stage products. One of the more systematic was the study by Podsiadlowski et al.
(2002) and Pfahl et al. (2003) which involved about 150 LMXB and IMXB systems.
Given the two-dimensional parameter space of initial Porbi and M2,i (where Porb,i
and M2,i are the initial orbital period and mass of the donor star, respectively), the
types of evolutionary paths for LMXBs or IMXBs are really quite large and varied.
Possibilities include evolution to a minimum orbital period of -70 minutes with very
low-mass H-rich donor stars; evolution to an ultracompact state with Porb in the range
of 6 - 50 minutes and He-rich donors; and evolution to wide orbits of days to months
with low-mass giant donor stars.
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Figure 5-1. Superposed set of 38,000 binary evolution tracks in the Porb - M2 plane.
Each time a track crosses one of the 1300 x 1200 grid points in the image, the evolution
time step is stored in that pixel. The color scaling is related to the logarithm of the
total system time spent in each pixel. The accumulated evolution times (per pixel)
range from 103 yr for purple to 1010 yr for red. The initial grid of models is visible in
the upper right portion of the plot, outlined by a red box.
In order to better understand the many possible evolution paths of LMXBs and
IMXBs in a more systematic way, we have calculated an extensive grid of binary
models encompassing 42,000 initial combinations of Prb,i and M2,i. This is two orders
of magnitude larger than the study we conducted in 2002. We took advantage of a
newly developed stellar evolution code whose equations of state allow for the evolution
of very low mass stars with cold dense interiors, and a cluster of computers which
speeds up the overall calculation beyond what was readily available a decade ago.
With the recent discovery of PSR J1614-2230, with the most massive NS known
(1.97 ± 0.04 Me), a relatively close 8.7 day orbit, and a fairly massive white dwarf
companion (0.5 Me), we decided to first apply our evolution calculations to under-
standing the origins of this system. The specific goals are to understand whether a
natal NS with canonical mass of -1.4 MD can accrete sufficient material to grow to
nearly 2 Me, to see whether the donor-star mass is consistent with the observed Porb,
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and to investigate how this system is related to possible progenitors in the guise of
the LMXB - Cyg X-2. In all, we found -500 of our evolution tracks which produce
systems that are at least generically related to PSR J1614-2230.
In this paper, we introduce our set of binary evolution calculations which cover
an extensive grid of initial orbital periods and donor masses (§5.2). In §5.3, we show
how our binary evolution calculations apply directly to PSR J1614-2230. In §5.4,
we discuss a number of the general lessons we have gleaned from this study.
5.2 Overview of LMXB and IMXB Binary Evolu-
tion
5.2.1 Binary Evolution Calculations
In this work we start with binary systems with an unevolved companion star in a
circular orbit with an already formed NS of mass 1.4 Mo. The prior evolution, leading
to the NS and low- or intermediate-mass donor star does not concern us in this study.
However, this prior phase of evolution involves a much more massive progenitor of
the NS (perhaps 8 - 15 MO), as well as a common envelope phase that unveils the
He/CO core of the progenitor which, in turn, evolves to collapse and the formation of
an NS (see, e.g., Bhattacharya & van den Heuvel, 1991; Kalogera & Webbink, 1998;
Tauris et al., 2000; Willems & Kolb, 2002, and references therein; Pfahl et al., 2003).
The subsequent evolution of the incipient LMXB or IMXB is computed with a
combination of a newly developed Henyey code called "MESA" (Modules for Exper-
iments in Stellar Astrophysics; Paxton et al., 2011) and a binary driver code. The
advantages of MESA for our calculations are that (1) it is specifically designed to in-
clude equations of state that are able to handle the low-mass and high degree of
degeneracy that the donor stars achieve (see Paxton et al., 2011 for details) and (2) it
is robust when used in a binary evolution code that allows for "hands-off" evolution
through all the various stages of the donor star and phases of mass transfer. We
found that none of the evolution models failed to run to their expected completion.
The binary driver code evolves the binary orbit, including the effects of mass trans-
fer and angular momentum losses due to gravitational radiation, magnetic braking,
and possible mass ejection from the system. It keeps track of where the Roche lobe
is in respect to the atmosphere of the donor star being evolved by MESA, and decides
how much mass to remove from the donor star during each evolution time step. It
also manages the various disparate timescales involved in the donor star as well as
in the evolution of the binary orbit (its operation is very similar to that described in
Madhusudhan et al., 2008). For the specific models presented here, we assumed that
for sub-Eddington mass transfer rates, 90% of the mass transferred is retained by the
NS, but that for higher transfer rates the accretion onto the NS was limited to that
set by the Eddington limit. Matter ejected from the system was assumed to carry
away the specific angular momentum of the NS.
No tidal evolution (between the donor star's rotation and the orbital angular
momentum) was incorporated in the code. We regard this as typically a < 10% effect
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Figure 5-2. Evolution tracks of all 515 systems that terminated their evolution with
Porb = 9 ± 1 day, and M 2 = 0.5 ± 0.1MO. The colors span cumulative evolution
times (per pixel) of between 104 yr (light blue) to 105 yr (green). The small yellow
region represents H-burning for up to 3 x 106 yr (per pixel). The location of PSR
J1614-2230 is marked with a red square; that of Cyg X-2 with a red diamond. The
four white tracks represent other typical evolutionary paths for L/IMXBs (see text
for details,)
on the evolution, both before mass transfer commences and afterward. Magnetic
braking is included (according to Equation [36] in Rappaport et al., 1983) for all
stars except those that are completely convective or have a mass > 1.4 M®. As
an approximation, we also assume that magnetic braking operates even in those
cases where the donor star underfills its Roche lobe and continuous synchronization
between the donor star and the orbit is not guaranteed. We have verified by numerical
experiment that this approximation makes little difference in the final distribution of
evolution tracks shown in Fig. 5-1. In this work, we do not consider either thermal-
ionization disk instabilities or the X-ray irradiation of the donor star during the course
of the evolution calculations. Their effects can be approximated via the application
of after-the-fact algorithms - which we discuss in a future work. However, for the
purposes of the calculations emphasized in this paper, neither effect is very important.
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We computed binary evolution tracks for 42,000 LMXBs and IMXBs over a grid
of 60 initial donor masses uniformly distributed over the range of 1 - 4 MO and 700
initial orbital periods distributed over the range of 10 - 250 hr in equal logarithmic
steps. With our dense coverage of the initial binary parameter space, most of the
basic types of LMXB and IMXB evolutionary tracks are explored.
The "initial orbital period" in these runs is defined as Porb following the birth of
the NS. The orbits are assumed to be circular, and the donor stars start on the zero-
age main sequence (ZAMS) in our evolution calculations. The binary evolution is
considered "complete" when either (1) 10 Gyr have elapsed, or (2) the mass transfer
becomes dynamically unstable (this later condition occurs for only -2.4% of our
systems, typically the ones with the largest initial donor masses and orbital periods).
After the envelope of the donor star has been transferred to the NS (or ejected from
the system), MESA continues to evolve the relic He or He/CO core of the donor until
a total elapsed time of 10 Gyr has passed.
5.2.2 Results
A graphic presentation of our 38,000 binary evolution tracks, representing LMXBs
and IMXBs is shown in Fig. 5-1 in the Porb - M 2 plane. We divide this plane up into
1300 x 1200 discrete pixels. As the evolution tracks pass through this plane, we record,
in a cumulative fashion, the evolution time that is spent in crossing a given pixel.
When all the tracks have been co-added in this fashion, we display the logarithm of
the total accumulated time in a pixel with color shading. The cumulative dwell times
per pixel range from 1010 yr for the red regions to 103 yr for the purple. The red box
in the upper right of the diagram outlines the starting grid of initial models.
To better understand what the different types of LMXB and IMXB evolutions
contribute to diagram, we show in Fig. 5-2 a set of illustrative individual tracks,
labeled "CV", "UC", "G1", and "G2". The CV-like tracks are analogous to the
evolution of cataclysmic variables, where the donor star is not very evolved at the
time when mass transfer commences, remains H-rich, and gets eaten away by mass
transfer until the orbital period reaches a minimum (at -70 minutes), after which
the orbit slowly expands (see, e.g., Paczynski & Sienkiewicz, 1981; Rappaport et al.,
1983; Howell et al., 2001, and references therein). These systems commence mass
transfer for Porb shorter than the so-called bifurcation period of between - 20 and 30
hr (depending on the initial donor mass). The ultracompact systems ("UC") start
mass transfer in somewhat wider orbits, very near the bifurcation period, with the
donor stars correspondingly more evolved, typically with H just having been depleted
at the stellar center (see, e.g., Nelson et al., 1986; Tutukov et al., 1987; Pylyser &
Savonije, 1988, 1989; Fedorova & Ergma, 1989; Podsiadlowski et al., 2002; Nelson
& Rappaport, 2003). Because of the high He content in the core of the donor star,
these systems are able to evolve to much shorter orbital periods (some as short as 6
minutes). Finally, those systems that commence mass transfer in even wider orbits
(e.g., "G1" and "G2"), lead to the formation of a well-defined He core and to an
increase in orbital period. For those donor stars which start with M2 < 2.2 MD, their
degenerate cores prescribe a mass-radius relation, which in turn dictates an orbital
76
1000 a 10.00 b 1c
1.00
100 104
(U 0.10-
10 0.01 103
d -4e 1.0 ;\
-5 08
-6-0.1.0
O 0.
Cd ~0.
-0
0.1 -11 0.0
0.001 0.010 0.100 0.001 0.010 0.100 0.001 0.010 0.100
Evolution Time - to (Gyrs)
Figure 5-3. Detailed evolution vs. time of several parameters associated with the
system that best represents the evolution of PSR J1614-2230 for an NS with initial
mass 1.4 M0 (the initial time in the plots, to, was chosen as 262 Myr to emphasize
the mass-transfer phase). The top panels show the evolution of Porb, R 2 , and Tff
as functions of time. The bottom panels show the evolution of stellar mass, M, and
central composition for the donor star as functions of time. In the mass panel (d) the
blue and red curves are for the donor star and NS, respectively. In the composition
panel blue, cyan, green, and red are the mass fractions (at the center of the donor star)
of H, He, C12, and 016, respectively. The black curve is the surface H abundance.
period-core mass relation, Porb(Mc), which is clearly delineated by the locus of green
terminus points in Fig. 5-1 which follows the Porb(M) relation (e.g., Rappaport et al.,
1995; Ergma, 1996; Tauris & Savonije, 1999; Nelson et al., 2004).
For donor stars with initial masses > 2.2 Me, however, this Porb(Mc) relation
does not have to be followed, and their evolution typically terminates considerably
before this Porb(Mc) boundary is reached. This is compounded by the fact that,
due to the high mass ratios involved, the initial phases of the mass transfer, while
dynamically stable, are governed by the thermal timescale of the donor star (see, e.g.,
King et al., 2001; Podsiadlowski & Rappaport, 2000; PRP02; for further references
see §5.3.2). These rates can therefore become greater than 10--5 M yr-1, which is far
in excess of the Eddington limit for an NS'. Therefore, the mass transfer is highly
non-conservative, and most of the mass is ejected from the system. The latter class
of systems, we believe, is responsible for the evolution of both Cyg X-2 and PSR
1614-2230.
In a forthcoming paper we will concentrate on various other aspects of these
'As high as these rates are, they typically remain below the rates required for the onset of
'hypercritical accretion' (see, e.g., Houck & Chevalier, 1991) which might have allowed for the
growth of higher mass NSs.
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Figure 5-4. The final neutron-star mass vs. the final mass of the white dwarf
companion for different ranges of final Porb, as indicated by the color scaling (in
hours). The dark green points are the systems with a final Porb most appropriate to
match PSR 1614-2230. The orange square marks the location of PSR J1614-2230,
while the large yellow circle indicates the system plotted in detail in Fig. 5-3. Along
the locus of dark green points, the higher the initial donor mass the lower the final
NS mass. The bottom-most line of systems is due to case B mass transfer with initial
donor masses > 2.2 Mo. The higher mass NSs are very likely unphysical, and are a
consequence of the high mass capture fraction assumed for sub-Eddington accretion,
and not allowing these stars to collapse to black holes.
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evolutionary paths and describe in greater detail the various types of LMXBs and
recycled pulsars that they lead to. For the present work we focus on the evolutionary
paths leading to Cyg X-2-like systems and PSR J1614-2230.
5.3 Binary Evolution of the PSR J1614-3320 Sys-
tem
5.3.1 Properties of PSR J1614-3320
PSR J1614-2230 (Demorest et al., 2010) is a millisecond radio pulsar in an 8.7
day orbit around a (presumably) predominantly carbon-oxygen (CO) white dwarf
(0.5 ± 0.006 MD). The recent measurement of the Shapiro delay in PSR J1614-2230
has yielded an NS mass of 1.97 ± 0.04 Mo, making it the most massive pulsar known
to date (Demorest et al., 2010). Given the constituent masses and Porb ~ 9 days, this
recycled pulsar system shows all the signs of having descended from an LMXB very
much like Cyg X-2 (Porb ~- 9.8 days, MNS ~ 1.8 MD and M2 ~_ 0.6 MD; Casares et al.,
1998; Orosz & Kuulkers, 1999). The orbital eccentricity of ~10-6 indicates that the
evolution involved an extensive period of mass transfer via a Roche lobe filling donor
star. The characteristic spin-down age is -5 Gyr.
5.3.2 Evolution Tracks Leading Close to PSR J1614-2230
Because of the very interesting and unique system parameters of PSR J1614-2230,
we were motivated to search our grid of tracks for all those systems which terminate
their evolution with Porb = 9 ± 1 day and M2 = 0.5 ± 0.1 Mo. In all, there were
515 such systems; their evolution in the Porb - M2 plane is shown in Fig. 5-2 as light
blue and green tracks. Note that they all start with donor masses in the range of
3.35 Mo < M2,j < 3.75 M®, and Porb,i in the range of 2-4 days.
Note how the light blue tracks all decrease in Porb until the donor mass reaches
-2 M 0 , after which Porb increases again until mass transfer has ceased when the
donor star no longer has an extended envelope. The initial decrease in Porb results
from the fact that mass is being transferred from the more massive donor to the less
massive NS. The total duration of the light blue portion of the tracks corresponds to
a characteristic evolution time of only ~ a Myr. This rapid phase of mass transfer is
referred to as "thermal timescale" mass transfer since it takes place on the thermal
timescale of the radiative donor star that is more massive than the accreting NS
(see, e.g., Podsiadlowski & Rappaport, 2000; PRP02; for other related references see
§5.3.2). Once the donor masses reach -0.8 Mo the thermal timescale mass transfer
is over, and the evolution slows down to timescales of tens of Myr - the nuclear
evolution timescale of the donors (see the green and yellow portions of the tracks in
Fig. 5-2).
We have selected one of these 515 tracks, as illustrative, in that its end product
best matches the properties of PSR J1614-2230. We show details of that particular
evolution in Fig. 5-3. The various panels show the evolution of Porb, R 2 , T2,eff, M 2 , M,
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Figure 5-5. The final orbital period vs. the final mass of the white dwarf companion
star for ~14,000 systems whose final orbital period lies in the range of 10 - 1000 hr,
or -1/2 to 40 days. The color coding of the dots is as follows: cyan and blue are
for M 2,i > 2.2 MO and cases B and AB, respectively (see text); the green and red
represent M 2 ,i between 1.4 - 2.2 MO and 1.0 - 1.4 M®, respectively. The location of
PSR J1614-2230 is marked with an orange square. The dashed purple line is the
short-period, low mass end of the Rappaport et al. 1995 Porb(Mc) relation, while the
solid purple curve is a fit to the He white dwarfs (at the left boundary) and also
subsumes the Rappaport et al. Porb(M) relation for white dwarf masses in the range
of 0.3 - 1.2 MD which is off this plot. This steeper slope predicting higher-mass white
dwarfs for a given Porb was earlier alluded to by Tauris & Savonije (1999).
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and information on the chemical composition of the donor (star 2), as functions of the
evolution time. A reference time of 262 Myr has been subtracted from the evolution
time to enhance the short-timescale features around the mass-transfer phases. Note
that MI refers to the mass loss rate from the donor star,
The short-lived drop in Porb (panel a) corresponds to the thermal timescale mass
transfer event (the large spike in MI in panel e). In panel (f) we see that the central H
mass fraction is only ~6% by the time mass transfer commences. The relatively long
plateau in MI (panel e) at ~10-9 MD yr-1 which lasts for ~35 Myr, corresponds to the
phase of mass transfer driven by nuclear evolution during which time the remainder
of the H in the core and much of the envelope is largely consumed. Once a He core
has formed, there is an approximately 4-Myr interval during which H-shell burning
occurs. This causes the radius of the donor star to expand from -3.5 RO to -6 R®,
during which time the mass transfer rate ranges between 10-8 - 10-7 M® yr- . The
orbital period increases from ~3 days to -9 days, and the donor-star mass drops
to 0.47 M 0 . It is during this second phase of mass transfer when the accreting NS
undergoes its largest growth in mass. After the H-shell burning phase, the donor star
contracts, Roche lobe contact and the mass-transfer phase is over, and the He in the
core of the donor burns to C and 0. The companion, which ends up being 90% C and
O (with 10% of the mass in a He envelope), contracts to its final degenerate radius of
0.015 RD. This entire evolution is sometimes referred to as "case AB" since the mass
transfer occurs near the end of the main sequence. (For a closely related evolution
scenario for Cyg X-2 see King & Ritter, 1999; Podsiadlowski & Rappaport, 2000.)
and is not the same as the mass accreted by the NS.
To put the evolution of PSR J1614-2230 into some context, we show in Fig. 5-4
a plot of the end points of all the binary evolutions we ran in the plane of the final
neutron-star mass vs. the final donor-star mass (now a white dwarf) - with Porb,f
restricted to > 10 hr. In all, there are some 14,000 system end points represented
in this figure. Even though the points form patterns and lie along pseudo tracks,
it is important to note that they are not evolution tracks, but rather end points of
numerous evolutions. These patterns result from the discrete nature of the grid of
starting values for Porb,i and M 2,i. The location of PSR J1614-2230 is marked with
an orange square.
The end point locations in this Mns,f - M 2 ,f plane are color coded according the
final value of the orbital period. The heavy green dots correspond to Porb,f in the
range of 8.7 ± 1 day, roughly commensurate with Porb of PSR J1614-2230. The
vertical column of heavy green dots originates from systems with initial donor-star
masses < 2.2 MD which follow the core-mass radius relation (see discussion below),
and where the mass transfer rates are well below the Eddington limit. Thus, the
NSs in these systems are able to grow substantially. For higher-mass donors (i.e.,
> 2.2 MD) that commence mass transfer near the end of the main sequence (case
AB), the final NS masses lie in the range of -2.1 - 1.65 MD with white dwarf masses
inversely correlated with the NS mass, and lying between -0.26 and 0.50 MO (the
continuing line of heavy green dots). The line of systems with the most massive white
dwarfs (between 0.5 and 0.65 Me) arise from case B mass transfer (where the initial
donor masses were > 2.2 MD), but their companion NS masses are all < 1.5 Mo.
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This "competition" between the NS mass and that of the residual white dwarf
companion is due to the fact that, in general, the more the donor star is evolved
(hence larger core masses) when mass transfer commences, the higher is the thermal-
timescale mass-transfer rate, and therefore the lower the mass retention fraction by
the NS (where the Eddington limit is greatly exceeded). More specifically, case B
mass-transfer systems have only a thermal-timescale mass-transfer phase, and there is
no sub-Eddington phase during which the NS mass can grow significantly. Therefore,
raising an initial NS mass of 1.4 MD to 2 MD remains a difficulty for the model (see
also PRP02).
The relation between the final orbital periods and the white dwarf companion
masses of the systems ending with Porb > 10 hr is shown in Fig. 5-5. Again, these
are 14,000 end points, and not evolution tracks. The location of PSR J1614-2230 is
marked. The systems lying along the leftmost boundary of these end points (marked
with a solid line) all represent He white dwarfs of mass between ~0.17 M0 and
~0.28 Mo. These systems form from donor stars of initial mass < 2.2 M0 and are well
represented by a nearly unique Porb(Me) relation (see, e.g., Rappaport et al., 1995;
Ergma, 1996; Tauris & Savonije, 1999). The dashed line to the left of this set of end
points is the expression given by Rappaport et al. (1995) which was already known to
systematically somewhat underestimate the white dwarf mass for systems with short
orbital periods below which the relationship was not designed to work. The solid line
is given by
4.6 x 10' mO
Porb 4 16 days (5.1)(1 + 25m 5 + 29n6)3/2
where me is the white dwarf mass expressed in solar units. We devised this expression
to fit both the results shown in Fig. 5-5 for low-mass white dwarfs and to incorporate
the expression of Rappaport et al. (1995) which extends all the way to white dwarfs
of mass 1.2 M 0 .
The systems distinctly to the right of this Porb(Mc) relation originate from donor
stars with M 2 > 2.2 MD and do not follow the core mass-radius relation for giants.
Note the "gap" in these more massive white dwarfs (which runs approximately at
-- 45') dividing systems that evolved in the so-called case AB (on the left side) from
those that formed from somewhat more evolved donors at the time mass transfer
commences, i.e., case B. These white dwarfs become progressively more CO-rich in
composition toward the higher masses. (For other related studies see, e.g., Iben &
Tutukov, 1985; PRP02; Tauris & Savonije, 1999; Han et al., 2000; Tauris et al., 2000;
Nelson et al., 2004.)
Finally, in this regard, we note that PSR J1614-2230 is quite representative of
the systems which started with donors of mass > 2.2 MD and ended up with white
dwarfs of mass in the range 0.26 - 0.65 M 0 . The mass transfer rate in case B systems
(toward the right) is so high that the NSs do not have much chance of growing to
interestingly high masses. By contrast, the systems to the left of the 'gap' between
cases AB and B have intervals of near- or sub-Eddington rates which allow the highest
mass NSs to be grown (see Fig. 5-4). In general, the higher-mass NSs tend to be found
with the lower-mass white dwarfs.
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Figure 5-6. Detailed evolution vs. time of several parameters associated with the
system that matches the parameters of PSR J1614-2230 for an NS with initial mass
1.6 MD and donor star of initial mass of 4.25 Me. As in Fig. 5-3 to is an initial time
that is subtracted off so as to emphasize the mass-transfer phase. The top panels
show the evolution of the stellar masses, and the radius of the donor star, while the
bottom panels show the evolution of M, and the central composition of the donor
star. The color coding in the mass curves and chemical composition are the same as
in Fig. 5-3. The final masses of the NS and white dwarf in this sequence were 1.95
M® and 0.49 Mo, respectively, and the final orbital period (not shown) was 206 hours
(8.4 days).
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5.3.3 Neutron Stars with Higher Initial Masses
As discussed in the previous section, none of our evolution tracks, starting with NSs
of canonical mass 1.4 Me, produced the observed 1.97 M® NS with the requisite
combination of orbital period and white dwarf mass to match the PSR J1614-2230
system. NSs as massive as 2 MD, and higher, were produced with the correct orbital
period, but not in combination with a massive enough white dwarf. Similarly, the
orbital period and white dwarf mass combination is easy to reproduce, but not with
the correct Porb. We find that the final values of M2 and MNs are anticorrelated when
Porb is fixed to 8.7 + 0.5 day. The difficulty with producing high-mass NSs in orbit
with massive white dwarf companions is that the progenitors of these white dwarfs
are initially substantially more massive than the NS, resulting in very rapid, thermal-
timescale mass transfer (at rates as high as 10-5 M® yr-1). Unless this is followed by
a substantial interval of sub- or near-Eddington accretion rate, the NS will likely be
prevented from accreting a significant fraction of the donor star's mass.
One obvious solution to this problem of producing more massive NSs is to start
with higher natal mass NSs. To this end, we have run a series of smaller subgrids
of 700 additional starting models with initially higher-mass NSs. We find that the
minimum required initial mass NS for which we could reach a final NS mass of 1.97 MO
turned out to be 1.6 MD. The starting donor mass for these more "successful" models,
however, increased to ~4.25 ± 0.10 M® (compared to -3.8 MO), the initial orbital
periods remained near -49 ±2 hr, and the final companion CO white dwarf mass was
~0.49 MD, somewhat closer to the observed value. An illustrative evolution sequence
that produces a -2 M® NS, and otherwise closely resembles PSR J1614-2230, is
shown in Fig. 5-6.
Finally, in regard to setting a limit on the mass of the natal NS, we note an
important caveat. Throughout our calculations we adopted a very simple prescription
for the Eddington-limit rate of accretion onto the NS of AEdd= 3 x 10-8 M® yr-1,
independent of the NS mass or radius, or the chemical composition of the accreted
material. For most of the evolutionary phases we covered in our 42,000 tracks, the
accretion rate is either below 10-' M® yr- 1, in which case the value we choose for
MEdd is unimportant, or it so high, during the thermal timescale mass-transfer phases,
that the choice of MEdd also does not affect the very small fraction of mass that can
be retained by the NS. However, for the production of systems that resemble PSR
J1614-2230, with its massive NS and other specific properties, the largest growth of
the NS occurs during the second phase of mass transfer in case AB evolution where
M is in the critical range of 10-8 - 10-1 Me yr-1 , and where the value of MEdd very
much affects how much the NS can grow. Adjusting the value of MAEdd to be "more
correct" is complicated by the following issues: (1) the unknown radius of the NS (by
a factor of ~50%), (2) general relativistic corrections (of -20%), (3) unknown allowed
factors by which the Eddington limit may be violated in NS accretion (of ~ factors
of 2), and (4) changes in chemical composition of the accreted material - which is
especially important as the material becomes He-rich later in the evolution. Also,
the amount of mass gained by the NS is only some ~80% of what was transferred
through the accretion disk due to the loss of rest mass that is radiated away. Taking
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all these factors into account, we have run a range of tests and have concluded that
such effects and their uncertainties lead to an uncertainty in the minimum mass for
an NS to reach 1.97 MO of ~±0.1 M0 . Therefore, the range of required minimum NS
masses could conceivably be expanded to 1.6 ± 0.1 M0 .
5.4 Summary and Conclusions
We have used MESA to compute a large grid of 42,000 binary evolution models for
LMXBs and IMXBs. We showed the broad sweep of possible evolutions, from systems
which attain orbital periods as short as 6 minutes to those which grow to long-period
binaries with giant donor stars. We leave a detailed discussion of the bulk of these
results for a future paper. Here we have focused on what we can learn about the
evolutionary paths to the newly discovered binary pulsar, PSR J1614-2230. We
have selected a subset of the evolution models (515 in total) which lead to systems
like PSR J1614-2230 and its evolutionary cousin, Cyg X-2, to examine in more detail.
In particular, we show how an orbital period of 8.7 days can be easily understood,
as can the 0.5 MO companion star. We show that for the proposed scenario, the
degenerate companion star is mostly (i.e., 90%) C and 0 (with a surrounding shell
of He which comprises 10% of the white-dwarf mass), but there is also a thin outer
envelope that is composed of -15% H.
We found, however, that starting with NSs of canonical mass 1.4 MO, we were
not able to produce the observed 1.97 MG NS with the requisite combination of
orbital period and white dwarf mass to match the PSR J1614-2230 system. We
were able to evolve NSs as massive as 2 M0 , with the correct orbital period, but
not in combination with a massive enough white dwarf. Also, the orbital period
and white dwarf mass combination was easy to generate, but not with the correct
Porb. As discussed above, the difficulty with evolving high-mass NSs in orbit with
massive white dwarf companions is that the progenitors of these white dwarfs are
initially substantially more massive than the NS, resulting in very rapid, thermal-
timescale mass transfer (greatly in excess of the Eddington limit), and the NS is
thereby prevented from accreting a significant fraction of the donor star's mass.
At this time, we are therefore tentatively led to conclude that the initial mass of
the NS would have to have been higher than the canonical value of 1.4 MO in order
to declare that the binary evolution of this system is fully understood. By running
some 700 supplementary models with initially higher-mass NSs, we found that to
successfully produce a system like PSR J1614-2230 requires a minimum initial NS
mass of at least 1.6+0.1 M0 , as well as initial donor masses and Porb of -4.25±0.10 MO
and ~49 ± 2 hr, respectively.
For completeness in regard to producing high neutron-star masses, we point out
that a number of the dynamically stable case B evolution tracks that we have gen-
erated yield mass transfer rates in excess of several times 10' ME yr 1 that last for
intervals of several thousand years. If "hypercritical accretion", where the gravita-
tional energy is carried off in neutrinos and the Eddington limit is thereby circum-
vented, is able to occur during these intervals (see, e.g., Houck & Chevalier, 1991;
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Brown et al., 2000), then perhaps there is a chance for the NSs to grow during this
phase of the evolution. However, it is not clear to us that the hypercritical accretion
scenario, which was developed for spherical accretion onto an NS, would be applicable
to accretion via a disk (but, see Moreno Mendez et al., 2008).
A more general conclusion from this L/IMXB study is that there is a subclass of
systems which start with intermediate mass donor stars (of > 2.2 MO), with Porb well
above the "bifurcation period" (in the range of 2-4 days), which leads to systems like
Cyg X-2 and PSR J1614-2230. Such systems terminate their mass transfer before
the donor star develops a degenerate core, and they end up with Porb well below the
Porb(Mc) relation. (See also Iben & Tutukov, 1985; PRP02; Han et al., 2000; Tauris
et al., 2000).
Another important general lesson that we can take from this broad look at L/IMXB
evolution is that intermediate-mass donor stars can evolve to virtually all the known
types of LMXB systems that exist at the current epoch. These include CV-like evo-
lution paths, ultracompact X-ray binaries, and systems with giant donor stars. This
is an important finding because it is significantly easier for intermediate-mass stars
to successfully eject the envelope of their massive companion progenitors of the NSs,
and then remain bound during the ensuing supernova explosion.
Finally, we have provided a perspective on where in the Porb and white dwarf mass
plane we can expect to find the He white dwarfs that follow the Prb(Me) relation
(Fig. 5-5), as well as where the systems with the most massive NSs should be found
(Fig. 5-4). Depending on the upper mass limit to an NS, Mns,ma, Fig. 5-4 shows that
there should be a fair number of black holes with mass between Mns,max and ~2.8 M®
in binaries with He or He/CO white dwarfs that range between -0.2 and 0.4 M® and
with orbital periods in the range of 1 - 40 days. One way to detect such important
relics of stellar evolution is to search for white dwarfs with interestingly high orbital
velocities (i.e., v ~_ 300 (Porb/days) km s- 1 ) and unseen companions. An important
caveat to this is that if such low-mass black holes form in significant numbers in
LMXBs that are still undergoing mass transfer, they would be directly detected by
their accretion. However, there is no evidence for LMXBs with low-mass black holes
(see, e.g., Farr et al., 2010; Ozel et al., 2010).
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Chapter 6
LMXB and IMXB Evolution: II.
Evolution Toward Short Period
Systems
Abstract
In Chapter 5 we presented an overview of our large grid of LMXB and IMXB binary
evolution models. The emphasis there was on the evolution of a specific binary radio
pulsar with the largest precisely measured neutron star mass (PSR J1614-2230), and
more generally on LMXBs that evolve to orbital periods longer than - a day. In this
Chapter we (i) focus on LMXBs and IMXBs that evolve to shorter orbital periods
(i.e., minutes to hours), (ii) go into more detail about the workings of the binary
stellar evolution calculations, and (iii) use our results to explore how some of the
physical effects that were omitted from the calculation might affect future studies.
6.1 Overview of LMXB and IMXB Binary Evolu-
tion
6.1.1 Binary Evolution Calculations
The first phases of the evolution leading to an LMXB/IMXB involve a much more
massive progenitor of the NS (perhaps 8-15 MO), as well as a common envelope phase
that unveils the He/CO core of the progenitor which, in turn, evolves to collapse
and the formation of a neutron star (see, e.g., Bhattacharya & van den Heuvel,
1991; Kalogera & Webbink, 1998; Tauris et al., 2000, Willems & Kolb, 2002, and
references therein; Pfahl et al., 2003). There are a substantial number of uncertainties
in this phase of the binary evolution, including the common envelope mass ejection
efficiency, neutron star natal kicks, wind mass loss from the He/CO-star progenitor
of the neutron star, etc. Therefore, in this work we have chosen to concentrate on
that portion of the evolution which is much more amenable to actual first principles
calculations. Namely, we start with a large grid of models which are comprised of an
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already formed neutron star in a circularized orbit about a normal star. The grid is
sufficiently large so that the vast majority of plausible subsequent evolutions will be
explored.
The subsequent evolution of the incipient LMXB or IMXB is computed with a
combination of "MESA" (Modules for Experiments in Stellar Astrophysics; Paxton
et al., 2011), and a binary driver code. The newly developed Henyey code MESA is
specifically designed to include equations of state that are capable of handling the
low-mass and high degree of degeneracy that the donor stars achieve (see Paxton
et al., 2011 for details). Additionally, it is robust when used in a binary evolution
code that allows for 'hands-off' evolution through all the various stages of the donor
star and phases of mass transfer. We found that none of the evolution models failed
to run to their expected completion.
The binary driver code evolves the binary orbit. It keeps track of where the
Roche lobe is in respect to the atmosphere of the donor star being evolved by MESA,
and decides how much mass to remove from the donor star during each evolution
time step. The driver operates in a way that is very similar to that described in
Madhusudhan et al., 2008. During each step, the angular momentum of the system is
taken away by gravitational radiation, magnetic braking (according to Equation [36]
in Rappaport et al., 1983), and possible mass ejection. The angular momentum loss
can be broken down into three parts. Angular momentum losses due to so-called
"magnetic braking" are given by:
i m b = -3.8 x 10- 30M 2 R 4 R 2  (_2r (6.1)RDo( ) Porb
where M2 and R 2 are the mass and the radius of donor star, and y is a magnetic
braking index that has been fixed to be 3 in our driver code. The gravitational
radiation losses are given by:
r = -32JG3M 1M21 + M 2
Jgr 5c 5a4
where G is the gravitational constant, c is the speed of light, and a is the orbital
separation. The angular momentum losses due to mass lost from the system are:
mi = M 2 a(1 - #)a2_2Porb'
where 2 is the mass-loss rate from the donor star (negative), a = )2, and #
is the fraction of transferred mass retained by the accretor.
The total rate of change of angular momentum is the summation of these three
effects:
= imb + jgr + mi.
The new angular momentum can be calculated from J for each step of the evolu-
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Figure 6-1. The upper left panel shows a superposed set of binary evolution tracks
in the Porb - M2 plane. These tracks fall into 3 categories of objects that are shown
in the rest of the panels: those that evolve to giants (upper right panel), those that
evolve analogously to CVs (lower left panel), and those that evolve to ultra-compact
systems (lower right panel). Each time a track crosses one of the 1300 x 1200 grid
points in the image, the evolution time step is stored in that pixel. The color scaling is
related to the logarithm of the total system time spent in each pixel. The accumulated
evolution times (per pixel) range from 103 yr for purple to 1010 yr for red. The initial
grid of models is visible in the upper right portion of each panel, outlined by red
boxes.
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Figure 6-2. Illustrative tracks representing individual binary evolutions starting
from a variety of initial conditions were plotted with different colors in the Porb -A
plane. Orange tracks represent the systems in which the companion stars evolve to
low-mass giant stars (G), cyan tracks represent those evolving analogously to CVs
(CV), and green tracks represent those evolving to ultra-compact systems (UC).
tion and is then used to compute the new binary separation:
lM 10M0J0
= GM 1 M 2
The relative rate of change of the binary separation can be written as:
61~~~~ ~ ~ 2j +22 1 M (3 )2+( )MT] (6.2)
The mass loss rate, Mp2, is then computed at each timestep from the expression:
, 2w 7R 2Hphvthe7 (R2-RL)/H
where 2 is the donor star radius, RL the updated Roche lobe radius, H the atmo-
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spheric density scale height, Pph the photosphere density, and Vth the thermal speed at
the photosphere. The mass removed from the donor star is then AM 2 = M2At, where
At is the evolutionary time step. The new radius of the Roche lobe is determined
from the new binary orbital separation.
The driver also manages the various disparate timescales involved in the donor
star. In this work, we assumed that for sub-Eddington mass transfer rates, 90% of
the mass transferred is retained by the neutron star, i.e., 3 - 0.9. For higher transfer
rates, the accretion onto the NS was limited to that set by the Eddington limit. Matter
ejected from the system was assumed to carry away the specific angular momentum
of the neutron star. Later, we also discuss the effects of a lower mass retention factor(#= 0.5) on the growth of neutron star masses.
For all stars except those that are completely convective or have a mass > 1.4 MO,
magnetic braking is included. We also assume that magnetic braking operates even
in those cases where the donor star underfills its Roche lobe and continuous synchro-
nization between the donor star and the orbit is not guaranteed. We have verified
by numerical experiments that this approximation makes little difference in the final
distribution of evolution tracks in our work. No tidal evolution (between the donor
star's rotation and the orbital angular momentum) was incorporated in the code be-
cause it has a < 10% effect on the evolution, both before mass transfer commences
and afterward.
Given the large X-ray luminosities of NSs, the X-ray irradiation of the donor star
as well as the accretion disk could lead to, or prevent, various instabilities in the mass
transfer rate. In turn, irradiation cycles can affect both Mi and M2 ; disk instabilities
only affect M1 . These instabilities were beyond the scope of this project and were
not included in the binary driver code. However, their effects were studied via the
application of "after-the-fact" algorithms discussed below.
In this study, some 42, 000 LMXBs and IMXBs evolution tracks were computed
over a grid of 60 initial donor masses uniformly distributed over the range of 1 - 4 MO
and 700 initial orbital periods distributed over the range of 10 - 250 hours in equal
logarithmic steps. Most of the basic types of LMXB and IMXB evolutionary tracks are
explored with our dense coverage of the initial binary parameter space. The "initial
orbital period" in these runs is defined as Porb,i following the birth of the neutron
star and the subsequent circularization of the orbit. The orbits are assumed to be
circular, and the donor stars start on the ZAMS in our evolution calculations. The
binary evolution is considered 'complete' when either (i) 10 Gyr have elapsed, (ii) all
the mass of the donor star has been lost, or (iii) the mass transfer becomes dynamically
unstable (this later condition occurs for only -2.4% of our systems, typically the ones
with the largest initial donor masses and orbital periods). However, even after the
envelope of the donor star has been transferred to the neutron star (or ejected from
the system), MESA continues to evolve the relic He or He/CO core of the donor until
a total elapsed time of 10 Gyr has passed.
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Figure 6-3. Different initial donor star masses and orbital periods will lead to
fundamentally different evolution paths. The blue curve represents the shortest initial
orbital periods that will form giant systems; while the red curve represents the longest
initial orbital periods that can form CV-like systems. Systems between the red and
blue curves will form ultracompact binaries. Together with the vertical dotted line
at - 2.2 MO, these three curves divide the parameter space into 4 regions. Region-I
represents the parameter space below the red curve; Region-II is above the blue curve
and to the left of the dotted line; Region-III is above the blue curve and to the right
of the dotted line; and Region-IV represents the narrow gap between the red and blue
curves.
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Figure 6-4. Superposed set of all binary evolution tracks in the Porb - M 2 plane and
M2- M plane. The color code is as described in Figure 6-1
6.1.2 Results
A graphic overview of our binary evolution tracks in the Porb - M2 plane is shown
in Figure 6-1, broken down into 4 panels representing all the tracks as well as three
distinct types of LMXB and IMXB evolution. The three different categories of evo-
lution are: those that lead to wide orbits with giant donors, evolve analogously to
CVs, and form ultracompact binaries with Porb in the range of 6 - 50 minutes. For
each panel of Figure 6-1, we divide the Porb - M2 plane up into 1300 x 1200 discrete
pixels. As the evolution tracks pass through a pixel, we record the evolution time
that is spent in crossing this pixel in a cumulative way. When all the tracks have
been co-added in this fashion, we display the logarithm of the total accumulated time
in a pixel with color shading. The cumulative dwell times per pixel range from 1010
yr for the red regions to 103 yr for the purple. The red box in the upper right of the
diagram outlines the starting grid of initial models.
In Figure 6-2 we show a set of illustrative individual tracks, labelled "CV", "UC",
and "G". The CV-like tracks ("CV") are analogous to the evolution of cataclysmic
variables, where the donor star is not very evolved at the time when mass transfer
commences, remains H-rich, and gets eaten away by mass transfer until the orbital
period reaches a minimum (at -70 min.), after which the orbit slowly expands (see,
e.g., Paczynski & Sienkiewicz, 1981; Rappaport et al., 1983; Howell et al., 2001, and
references therein). As can be seen in the lower left panel of Figure 6-1 and Figure 6-3,
these systems commence mass transfer for Porb shorter than the so-called "bifurcation
period" of between ~20 -30 hrs (depending on the initial donor mass). A period gap
can be seen in each CV-like track around Porb ~ 3 hours, where the binary orbital
period decreases without transferring any mass.
The ultracompact systems ("UC") start mass transfer in somewhat wider orbits,
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Figure 6-5. Relative probability of detecting an X-ray binary system as a function
of orbital period (Porb, left panel) and donor star mass (M2, right panel). The prob-
abilities were calculated by collapsing the values in Fig. 6-1 (upper left panel) onto
the Porb and M 2 axes, respectively. This is just the total amount of evolution time
spent by all the binaries for different Porb and M 2, without regard to selection effects
concerning how detectable the systems might be.
very near the bifurcation period, with the donor stars correspondingly more evolved,
typically with H having been just depleted at the stellar center (see, e.g., Nelson
et al., 1986; Tutukov et al., 1987; Pylyser & Savonije, 1988, 1989; Fedorova & Ergma,
1989; Podsiadlowski et al., 2002; Nelson & Rappaport, 2003). Because of the high He
content in the core of the donor star, these systems are able to evolve to much shorter
orbital periods (some as short as 6 min). We discusses these systems in greater detail
below.
Finally, those systems that commence mass transfer in even wider orbits ("G"),
lead to the formation of a well-defined He core and to an increase in orbital period.
The detailed evolution of these systems was discussed in Chapter 5.
Different types of evolution tracks originate from different combinations of initial
donor star masses M2,i and initial orbital periods Porb,i, as shown in Figure 6-3. The 4
regions (labelled I through IV) are distinct initial conditions which result in different
evolutionary paths of the system depending on the state of the donor star when the
mass transfer commences. When the systems originating from region-I begin their
mass transfer, they have a H-rich (or near H-depleted) non-degenerate core. These
systems would evolve to CV-like systems. Systems originating from region-Il are
undergoing hydrogen shell burning when the mass transfer commences. Region-III
systems have substantial non-degenerate He cores, or are already burning He, when
their mass transfer begins. Region-II and III both lead to giant systems because of
the advanced evolutionary state of their cores. The narrow gap between the blue and
red curves is region-IV, from where binaries would evolve to ultracompact systems.
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Figure 6-6. The distribution of neutron star masses at the end of the binary evolu-
tion. The dotted bars represent a relatively conservative mass-transfer scenario; 90%
of the mass lost from the donor star would be accreted by the neutron star given
that the Eddington limit is not exceeded (0 = 0.9). The solid bars represent a more
non-conservative scenario where 50% of the mass lost from the donor star would be
accreted by the neutron star, again given that the Eddington limit is not exceeded
(0 = 0.5).
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Figure 6-7. Binary parameters at the end of the evolutions, in the Porb - M2,
MNS - M 2 , and Porb - MNS planes. Upper panels represent the case for #3 = 0.5,
lower panels represent the case for # = 0.9. Different colors represent different initial
conditions; blue points denote systems with initial donor star mass M2,j < 1.4 MO,
with green points denoting systems with initial donor star mass 1.4 M0 < M2 ,j <,
2.2 Mo. Orange points and red points both represent the systems with M 2,j > 2.2MO,
but they are divided by their initial orbital periods (see text for details).
At the moment that mass transfer begins, region-IV systems have He or near H-
exhausted material in their cores. They have no degenerate He core, or at most a
small one (< 0.15 MD) and are not undergoing He burning.
In Figure 6-4 we show our complete set of evolution tracks in the Porb - M2 plane
and M2 - M plane, where 2 is the mass-loss rate of the donor star.
These plots, combined with the tracks in the Porb - M2 plane, show the evolu-
tionary behavior of three of the four most important parameters defining the binary.
The final of these parameters, the neutron star mass, is discussed below. While the
neutron star mass does not vary as dramatically as the other three parameters of the
binary, it is of great interest to those studying NS equations of state.
From Figure 6-4, we can see dramatic mass loss (> 10- 7 Mo yr- 1 ) from the donor
stars in the systems with Porb between 10 - 250 hr. This is due to the thermal time
scale mass transfer at the start of the evolutions. For almost all systems, this thermal
time scale mass transfer shrinks the orbit until the donor star reaches - 1.4M0 . Such
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super-Eddington rates would result in dramatic mass loss from the binary system, so
that the mass transfer during this phase is very non-conservative.
Additionally, Figure 6-5 shows the relative probabilities of finding certain LMXB
orbital periods and donor star masses, where each histogram has been normalized to
its maximum value. Given our almost uniform distribution of initial conditions, it
turns out that the probability of finding a CV-like X-ray binary is -10 times higher
than finding a giant system, and is >100 times higher than finding an ultracompact
X-ray binary. The donors stars have peaks in the ranges of ~0.3 - 0.7 MD, and below
~0.03 M 0 .
6.2 End Products of the Binary Evolutions
The distribution of masses of the accreting neutron stars at the end of the binary evo-
lution can be obtained from our model calculations. The results for a mass retention
fraction of # = 0.9 are shown in Figure 6-6. Recall that we have defined the mass
retention ratio # as the sub-Eddington ratio of mass accreted by the neutron star to
the mass loss from the donor star, i.e., 13 = 0.9 means 90% of the mass transferred
is retained by the neutron star when the mass loss rate is lower than the Eddington
limit. When 0.9 M 2 > MEdd, we assume the accretion rate onto the neutron star is
limited to MEdd, so that 3 = MEdd/2 in this case. Although we implemented a
value of 3 = 0.9 in the binary evolution driver for all of our calculations, we also
investigate the # = 0.5 case with an "after-the-fact algorithm" discussed below.
In the case of / = 0.9 (dotted histogram in Figure 6-6), there would be numerous
neutron stars of mass 2.3 - 3.0 Mo by the end of mass transfer. Such neutron stars
are beyond the likely upper mass limit for neutron stars, above which they would
collapse to stellar-mass black holes. However, the lack of ~ 3 MO black holes in
observed LMXBs (see, e.g., Farr et al., 2010; Ozel et al., 2010) suggests that the
actual mass retention factor should be less than 0.9.
We can also artificially change the mass retention factor in our "after the fact
algorithm" without re-running the evolution code. Since the mass-loss rate of the
donor star is recorded for each evolution step, we can calculate the neutron star
mass by summing up the accretion with a different mass retention rate. We studied
the case where 50% of the mass lost from the donor star would be accreted by the
neutron star if 0.5M 2 < MEdd. This is a first order approximation of the actual binary
evolution because the orbital period is mostly determined by the evolutionary state
of the donor star, which can be proven as follows: When a less massive donor star fills
its Roche lobe, we can use the theoretical relation Rrl = R 2 c a(g2 )1/3, where Rnl
is the radius of the Roche lobe, MT is the total mass of the binary system and a is
the binary separation. We also have GMT __ )2 from Kepler's law. Therefore, we
have GMT M r x ( 2 and M2R23 c r Pb. The change in neutron star mass wouldR 2 MT Pr)2
therefore not significantly affect the orbital period.
In the case of / = 0.5 (solid bars in Figure 6-6), very few neutron stars with
MNS > 2.5 MD are produced. Observations therefore seem to favor a much more non-
conservative mass transfer scenario. There are a few physical processes that might
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Figure 6-8. Observed intermediate- and low-mass binaries are plotted with
38,000 binary evolution tracks in the Porb - M2 plane. The filled circles rep-
resent X-ray accretion powered millisecond X-ray pulsars; The filled squares
are binary radio pulsars in globular clusters, adapted from an online table
maintained by Paulo Freire (http://www2.naic.edu/~pfreire/GCpsr_101104.html);
The filled triangles represent radio pulsars in binary systems in the galactic
plane, adapted from the Australian Telescope National Facility Pulsar Catalog
(http://www.atnf.csiro.au/research/pulsar/psrcat). In total, the diagram shows 12
accretion-powered X-ray millisecond pulsars, 58 binary radio pulsars in globular clus-
ters and 71 binary radio pulsars in the galactic plane.
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reduce the mass retention fraction by the NS, such as irradiation cycles and propeller
effects, which will be discussed in @ 6.4.
Figure 6-7 shows the end-stage products of the binary evolution in the Porb - M2,
MNS - M 2 , and Porb - MNS planes, for both 3 = 0.5 and # = 0.9. For donor
stars with initial mass M2,< 2.2 MO, their degenerate cores prescribe a mass-radius
relation, which in turn dictates an orbital period-core mass relation, Porb(M). This
relation is clearly delineated by the locus of green terminus points in the left hand
panels of Fig. 6-7 (or as the solid purple line in Figure 5-5 ), which follows the Prb(Mc)
relation discussed by a number of authors (e.g., Rappaport et al., 1995; Ergma, 1996;
Tauris & Savonije, 1999; Nelson et al., 2004). For donor stars with initial masses
> 2.2 MD, there are two types of evolution: orange points represent the evolution
scenario that is referred as "case AB" by Podsiadlowski & Rappaport (2000), while
the red points represent the evolutionary scenario that is referred as "case B" in the
same paper. Case AB refers to the situation where the donor star is the end of H-core
burning at the onset of mass transfer; while Case B is defined by He core burning at
the onset of mass transfer. As we can see in Figure 6-7, the end points of case AB
and Case B systems are generally divided by a curve in the Porb - M2 plane:
log10 Porb 1 - 4.44 log1 o M2, (6.3)
where the final Porb is in hours and M2 is in M0 . The difference between these two
cases originates from the starting orbital periods. Case AB evolutions generally have
Porb,i < 53 hours while Case B evolutions generally have Prb,i > 53 hours.
The combination of Figure 6-4 and 6-7 indicates that the neutron stars accrete
the most mass during their sub-Eddington phase. The case B mass-transfer systems
have only a thermal-timescale mass-transfer phase, and there is no sub-Eddington
phase during which the NS mass can grow substantially, while Case AB systems have
a secondary active mass-transfer phase as discussed in Chapter 5. Case B systems
originally have larger initial orbital periods, and their higher degree of evolution
at the time mass transfer commences results in no second, sub-Eddington phase of
mass transfer. A Case AB mass-transfer scenario is therefore considered to be the
evolutionary path leading to PSR J1614-2230 (see Chapter 5). Significant mass loss
from the binary system occurs during the super-Eddington thermal time scale mass
transfer phase, which has the same net effect on both the 3 = 0.9 or 0.5 scenarios.
We therefore conclude that, for either # = 0.9 or / = 0.5, the final neutron star
mass range for Case B systems should be roughly the same, which can be verified by
Figure 6-7.
Once a binary system reaches the termination point in our calculation, mass trans-
fer ceases and the system can turn on as a radio pulsar which could be observable
as such. In Figure 6-8, we plot the location of binary radio pulsars and accretion
powered millisecond X-ray pulsars, with known orbital periods and approximate com-
panion star mass, on our superposed set of our evolution tracks. The orbital periods
and mass functions of radio and X-ray pulsars can be measured by observing their
Doppler delay curves. These are typically so precise so that the errors in orbital
periods are too small to be seen in this figure. Except in some particular cases, such
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as PSR J1614-2230, the donor star masses in the figure were estimated from their
observed mass function defined in Equation 1.2. The mass of the donor star is given
by M 2 = f- (M 1 + M 2 )3 sin1 i, where f is the mass function and i is the orbital in-
clination angle. M2 < M1 is approximately true at the end of the evolutions, so that
1 2
we have M 2 = f3M 3 sin1 i. We assume that M = 1.4MO is a good approximation
for the mass of the NS. However, from Figure 6-7 we can see that neutron star masses
can increase to above 2.0MO at the end of the CV like tracks. Therefore, we adopted
M1 = 2.0MO for all the observed radio pulsar binaries with Porb < 10 hours and
M1 = 1.4M 0 for the rest. The largest uncertainty in the mass determination of the
secondary (companion) comes from the unknown inclination angle. The probability
of finding a random inclination angle is P(i < x) = 1 - cos x. We take i = 600 as the
50% probability point, i = 90' to provide the lower limit on the mass, and i = 300 as
the upper end of the error bar (87% confidence). Based on these assumptions, we ob-
tain our donor star mass estimations and the associated error bars. Radio pulsars in
binaries and accretion-powered millisecond pulsars are mostly found in the Porb - M2
plane where they should be, i.e., either near the end points of tracks for radio pulsars,
or the points with a high probability of occurrence (red and orange points) for mass
transferring systems (i.e., the accretion powered millisecond X-ray pulsars).
The giant systems seem especially consistent with our binary evolution calcula-
tions. However, there is a substantial systematic discrepancy between the end points
of our CV-like tracks and the observed binary systems in the range 3 hrs < Porb <
9 hrs and 0.01M® < M 2 < 0.06MO. It appears that ~ 15 binary radio pulsars, mostly
in globular clusters, as well as a couple of accretion-powered millisecond X-ray pul-
sars are in this discrepant group. The longest final orbital periods of CV-like systems,
based on our calculations, are no longer than 3 hours. What causes this particular
group of observed binaries to be in wider orbits is uncertain. Possible explanations
include irradiation cycles of the donor star and enhanced magnetic braking. There
are a few so-called "ultracompact" LMXBs that are observed to be in binary orbits
with Porb < 40 minutes. The fact that these ultracompact systems exist is consistent
with our evolutionary study. We will discuss the evolution of these systems in § 6.3.
6.3 Further Discussion of the Three Types of Evo-
lutions
6.3.1 Cataclysmic Variable like Systems
The CV-like tracks (cyan curves in Figure 6-2) are analogous to the evolution of
cataclysmic variables (with white dwarf accretors). These systems initially have or-
bital periods shorter than the so-called "bifurcation period" (see, Nelson et al., 1986;
Tutukov et al., 1987; Pylyser & Savonije, 1988, 1989; Fedorova & Ergma, 1989; Pod-
siadlowski et al., 2002; Nelson & Rappaport, 2003, e.g.,). We assumed there was no
magnetic braking at the beginning of the evolutions unless the mass of the donor star
is lower than 1.4MD where such stars have convective outer envelopes. For either
case, at the time when mass transfer commences, the donor star is not very evolved
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and its core remains H-rich. Magnetic braking and gravitational radiation shrink the
binary orbit, while mass transfer from a less massive donor star (M2 < M1 ) tends to
expand the binary separation. At the beginning of the evolution, magnetic braking
dominates the orbital evolution and the donor star gets eaten away at a rate given
by Equation 6.1. During this phase the donor star does not quite have sufficient time
to adjust to thermal equilibrium and its radius remains larger than what it would be
as a main sequence star of the corresponding mass. The Roche lobe remains filled by
the donor star until the star is fully convective, at which point we turn off magnetic
braking (Rappaport et al., 1983). The donor star is defined to be "fully convective"
when 95% of the core (inner 20% of the star in mass) becomes convective. When
magnetic braking is turned off, the orbit stops shrinking as rapidly, and is driven
by gravitational radiation losses alone. The donor star now has sufficient time to
adjust itself back to thermal equilibrium. The radius of the donor star shrinks and
thereby detaches from its Roche lobe. Without magnetic braking, angular momen-
tum is lost via gravitational radiation until the Roche lobe again shrinks to the size
of the donor star. This interval of discontinued N would show up as a "period gap"
in the Porb - M2 plane (see Figure 6-2). And, indeed, there is observed to be a period
gap in CVs between - 2 and 3 hours. The binary orbital statistics in LMXBs are
insufficient to unambiguously detect an analogous period gap.
After mass transfer resumes, gravitational radiation and mass loss from the binary
system continue to take away angular momentum while the mass transfer from the less
massive donor star to the neutron star tends to expand the orbit. The former effects
continue to dominate until a minimum period - 70 minutes is reached. Since the core
of the donor star becomes degenerate around this time, taking mass off the donor
star would cause it to expand. The orbit must now expand in order to accommodate
the proper balance between the orbital expansion due to mass transfer and orbital
contraction due to gravitational radiation (see, e.g., Paczynski & Sienkiewicz, 1981;
Rappaport et al., 1983; Howell et al., 2001, and references therein).
In order to understand the competing effects between expanding and contracting
orbits, consider the following only slightly simplified analysis. Assume only that the
mass transfer is conservative and that M 2 < M 1, both appropriate during the late
phases of CV evolution.
J Mi2 M1 &Jc M1 M 2 a1 /2  - -= -+ M +J M 2  M1  2a
=2 J M2 (I M2
a J M2 M1
Therefore, due to mass transfer and angular momentum losses, the fractional rate of
change in binary separation can be written as:
- = -2 I M21 )- ]. (6.4)
a J M2 ( M1
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This can be either negative or positive depending on the relative magnitudes of the
two terms. We also have
Rri=a (M2 ) Rri a M2
MT Rji a 3M 2
If the star continues to fill its Roche lobe, i.e., R2 = R.i, then we have
R 2  Ri M 2  R 2
R2 Rrl M 2  R2\ Ithermal
where ( is the adiabatic stellar index. Thus,
M2 R2 + M2M2 Rt2  a M 2M2 (R2) thermal 3M 2
Finally, we have
6 ( 1\M 2  (R 2 \
a 3 M2 R2)e
\ It hermal
1_|I2 _ (|2|= 1 - 1 M2 1 (6.5)3 M2 ( R2 Jthermal
For low mass stars, = -j, and Equation 6.5 reduces to
a = 2 thermal . If the second term dominates (e.g., before period min-a 3 M 2  Erma
imum) the orbit must shrink; if the second term becomes small (or when the star
becomes degenerate) the orbit must expand. The right hand side of Equation 6.4
must change sign accordingly.
6.3.2 Ultracompact Binaries
The observed ultracompact systems, i.e., X-ray binaries with Perb in the range of
6 - 50 minutes, were produced in our evolutionary study (green curves in Figure 6-2).
Approximately 0.6% of the total tracks in our grid become ultracompact systems.
Observationally, among all 187 LMXBs studied to date, 74 of them have their orbital
periods measured (see, e.g., Liu et al., 2007, for an overview). - 14% of these LMXBs
(10 out of 74) are ultracompact systems. That is to say, ultracompact systems pro-
duced by our evolutionary study are less than the observed percentage by more than
one order of magnitude. The reason for this observational bias or modelling inade-
quacy is not clear. There could well be certain selection effects, depending e.g., on
M, that affect the detectability of LMXBs. We have tested for one possibility of
selection effects in LMXBs; by generating a modified version of Figure 6-5 weighted
by the accretion rate of the NSs, we find that the relative probability of detecting
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Figure 6-9. Detailed evolution vs. time of several parameters associated with an
upper branch ultra-compact system (the initial time in the plots, to, was chosen as
3.55 Gyr to emphasize the region around minimum orbital period). The top panels
show the evolution of Porb, R 2, Teff and Jmb/J as a function of time. The bottom
panels show the evolution of donor mass, M2 , composition for the donor star, and
position of the largest convective zone as a function of time. In the mass panel (e) the
blue and red curves are for the donor star and NS, respectively. In the composition
panel (g) blue, cyan, green and red are the mass fractions of H, He, C12 and 016 at
the center of the donor star. In panel (h) blue and red curves are the positions of the
top and the bottom of the largest convective zone in the donor star.
ultracompact systems is still overwhelmed by the probability of detecting CV-like
LMXBs.
CV-like tracks can originate from a much broader range of initial orbital periods
than those leading to ultracompact systems. The CV-like systems commence mass
transfer for Porb shorter than the "bifurcation period" (depending on the initial donor
mass), while the ultracompact systems start mass transfer in orbits that are very
close to the bifurcation period. With a correspondingly more evolved donor star,
typically with H just having been depleted at the stellar center, the ultracompact
systems are able to evolve to much shorter orbital periods. Our evolutionary study
shows that region surrounding the bifurcation period in which an ultracompact binary
can originate is quite narrow (see § 6.1.2 and Figure 6-3). For donor stars with
M2,i < 1.4Mo, magnetic braking shrinks the orbit from the start of the evolution, so
that it requires a higher initial orbital period (- 60 hours; see Figure 6-3) for the donor
star to evolve to the same point when mass transfer commences. Given the narrowness
of the plausible initial orbital period region that will lead to an ultracompact system,
unless nature favors the bifurcation period when the binaries are formed, the number
of ultracompact systems will be overwhelmed by the number of CV-like systems.
The other possible reason for observing more ultracompact systems than what
has been predicted by our evolutionary study is that these systems can be produced
through some alternative processes other than the ones we consider in this paper. In
a so-called "WD-NS" scenario (see, e.g., Rasio et al., 2000), a common envelope phase
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Figure 6-10. Detailed evolution vs. time of several parameters associated with
a "lower branch" ultra-compact system (to was chosen as 3.97 Gyr to emphasize
the portion of the evolution around the minimum in Porb). The parameters are as
described in Figure 6-9.
where the secondary star spirals into, and ejects, the envelope of the primary (the
primary being the progenitor of the NS; see, e.g., Bhattacharya & van den Heuvel,
1991, and references therein) would lead to the formation of a neutron star in a few
day orbit with an intermediate-mass donor star. Such a system could eventually
evolve to an ultracompact system through a second common envelope phase which
would leave a white dwarf in a close orbit with a neutron star. Possibly stable mass
transfer from the white dwarf to the neutron star might account for the over-populated
ultracompact systems.
In Figure 6-1, we can see there seem to be two branches of ultracompact systems,
separated by different minimum orbital periods; we define the "upper branch" UCs
as those with minimum orbital periods 40 min < Porb < 60 min and "lower branch"
UCs as those with minimum orbital periods < 36 minutes. A clear gap in orbital
periods can be seen in Figure 6-1 between these two types of ultracompact systems.
"Upper branch" ultracompact systems evolve more or less similarly to CV-like tracks
except (i) they can evolve to less than 50-minute orbital periods while the minimum
orbital periods for CV-like tracks is - 70 minutes, (ii) the "period gap" in CV-like
tracks is absent in the "upper branch" ultracompact systems. Both branches of the
ultracompact systems can start with the same initial donor star masses. For a given
initial donor star mass, systems with larger initial orbital periods evolve to the "lower
branch" ultracompact systems. This difference in initial orbital periods allows "lower
branch" ultracompact systems to have more evolved cores at the time mass transfer
commences, so that the donor stars can shrink to smaller radii. Given a smaller
radius, with little mass transfer at the same time, magnetic braking could quickly
shrink the orbits.
Two illustrative evolution tracks associated with the ultracompact systems are
shown in Figure 6-9 and 6-10 for the "upper" and "lower" branches, respectively. The
eight panels show the evolution of Porb, R 2 , Teff, Jmb/J, donor mass, M 2 , composition
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for the donor star, and position of the largest convective zone as a function of time. A
typical "upper branch" UC track usually reaches its shortest orbital period at a later
phase (M2~ 0.03 MD) in its evolution compared to a typical "lower branch" track, in
which the system reaches its lowest orbital period when M 2 reaches ~ 0.07-0.14 MO.
A feature similar to the "period gap" in those CV-like tracks shows up in the "upper
branch" track before it reaches its minimum orbital period; the magnetic braking is
turned off and Al2 drops until gravitational radiation brings the donor star back into
contact with its Roche lobe. In the "lower branch" track, the binary was progressing
along its path to becoming a giant system, until the donor star radius abruptly shrinks
and detaches from its Roche lobe. Magnetic braking is able to quickly shrink the orbit
and brings the donor star into contact with its Roche lobe, which shows up as a peak
in Jmb/J and a dip followed by a peak in M 2 .
6.3.3 Giant Systems
For system with initial periods longer than the "bifurcation period", the donor star
has sufficient time to develop a well-defined helium core before the mass transfer
begins. For donor stars with M2,i < 1.4 M, magnetic braking shrinks the orbital
period to the point when the Roche lobe is filled. For M 2,i > 1.4, the donor star
evolves faster than gravitational radiation losses are able to shrink the binary orbit.
The binary system effectively stays at its initial orbital period until the donor star
fills its Roche lobe. Mass transfer from a more massive donor star to a less massive
neutron star results in an initial decrease in Porb. This rapid phase of mass transfer
(a characteristic evolution time of - Myr) is referred to as "thermal timescale" mass
transfer since it takes place on the thermal timescale of the radiative donor star that is
more massive than the accreting neutron star (see, e.g. Podsiadlowski & Rappaport,
2000; Podsiadlowski et al., 2002). Once the mass of the donor star and that of the NS
become approximately equal, further mass transfer tends to expand the orbit. When
the donor mass decreases to below - 1 MD, the thermal timescale mass transfer phase
is over, and the evolution slows down to the nuclear evolution timescale of the donor
(tens of Myr) until Roche lobe contact is over.
As discussed in § 6.2, for donor stars with initial masses ;< 2.2 M0 , the final
orbital periods Porbf can be described by a function of the final mass of the donor
stars (Equation 5.1) which, by the end of the evolution, is just the remnant white
dwarf core of the donor. However, for donor stars with initial masses > 2.2 M,
this Porb(Mc) relation does not have to be followed, and their evolution typically
terminates considerably before this Porb(Mc) boundary is reached. Moreover, for the
initially more massive donors, the initial phases of mass transfer are governed by the
thermal timescale of the donor star. These rates can therefore become as large as
10-5 or even 104 Mo yr-1, which is far in excess of the Eddington limit for a NS.
Therefore, the mass transfer is highly non-conservative, and most of the transferred
mass is ejected from the system. There are two types of giant systems with initial
masses > 2.2 M that can be distinguished by some small, but important, differences
in the way the mass transfer unfolds. The case B systems have only a thermal-
timescale mass-transfer phase, and there is no sub-Eddington phase during which the
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NS mass can grow significantly. The case AB systems have a secondary sub-Eddington
phase. After the thermal timescale mass transfer, a relatively long plateau in MI at
~ 10- 9MD yr-1 (between 0.01 - 0.04 Gyrs in Figure 5-3) arises, corresponding to the
phase of mass transfer driven by nuclear evolution during which time the remainder
of the H in the core and much of the envelope is largely consumed. Once a He
core has formed, there is a short interval (a few Myr) during which H-shell burning
occurs. This causes the radius of the donor star to expand, during which time the
mass transfer rate ranges between 10-8 - 10-7 Mo yr-1. The orbital period increases
during the conservative portion of the mass transfer. It is during this secondary
phase of mass transfer when the accreting NS undergoes its largest growth in mass.
After the H-shell burning phase, the donor star contracts, Roche lobe contact and
the mass-transfer phase is over. Case AB and Case B systems can be divided in the
Porb - M 2 plane by Equation 6.3.
6.4 Various Instabilities in the Mass Transfer
Although most of the major physical processes were considered in our evolutionary
study of LMXBs/IMXBs, some additional effects could somewhat affect the evolu-
tion of the binaries under certain conditions. These effects include (i) the accretion
disk instability, (ii) X-ray heating irradiation cycles of the donor stars, and (iii) the
propeller effect in neutron star accretion. Such effects were not implemented in our
driver code of binary orbital evolution. However, we were able to investigate these
effects with "after-the-fact" algorithms (see earlier discussion of why this is a viable
approach). We calculated whether a certain effect would or would not occur based
on the calculated and logged parameters during each step of the evolution.
Figure 6-11 shows where the accretion disk instability would occur in the Porb -M2
plane. The accretion disk around a compact object could be subject to a thermal
instability if the mass transfer rate and the X-ray flux on the disk from the neutron
star is below a critical value (Cannizzo et al., 1982). When the mass transfer rate
is low, the X-ray irradiation temperature at the outer region of the disk would be
lower than the characteristic hydrogen ionization temperature T, ~ 104 K (see van
Paradijs, 1996, and references therein). We calculate the irradiation temperature at
a radius R in the disk from (de Jong et al., 1996):
T4 Lx H ( ) 66irr4R (1 -7)(- 1), (6.6)
where Lx is the X-ray luminosity that can be derived from the logged NS accretion
rate, H is the disk scale height at R, y is the X-ray albedo of the disk, and =
d ln H/d ln R. We take the outer disk radius to be 70% of the Roche lobe radius of
the NS and adopt the values of ( = 2 (Vrtilek et al., 1990), 7 0.7, and H/R = 0.1
at the disk edge as suggested by de Jong et al. (1996). We calculate this irradiated
disk temperature for each step of the evolution. If T, > 104 K, we conclude that the
mass transfer through the disk would be steady and that the X-ray source is persistent
at that particular moment; the number "1" is assigned to this point. Otherwise, we
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Figure 6-11. Evaluation of the accretion disk stability for all of our tracks in the
Porb - M 2 plane. A pixel will be green if, for all tracks passing this point, the outer
disk temperature is high enough for the accretion to remain stable. By contrast a
pixel will be red if, for all tracks passing this point, the accretion disk can not remain
stable. Finally yellow indicates that some tracks passing this point have stable and
some unstable accretion disks.
conclude that the system is a transient source and the number "0" is assigned to this
point. Then for each point in the Porb - M2 plane, we obtain an average number
between 0 to 1 to represent the stability of the accretion disk, where the average is
over all systems whose track crosses that location. In Figure 6-11, the color green is
assigned to the points with a value of 1, indicating that the systems at these points all
have stable accretion disks. Red is assigned to the points with a value of 0, indicating
that the systems at these points would all be X-ray transients. Yellow is assigned to
the points with values between 0 and 1, indicating a combination of both possibilities.
Figure 6-11 shows that accretion disks around the NSs become unstable toward the
ends of the binary evolutions or after the "period gap" in CV-like tracks due to the
low mass transfer rate at these points.
Our binary evolution calculations also do not account for X-ray irradiation effects
on the donor star, which can potentially significantly change the evolution of systems
107
in certain evolutionary phases. X-ray irradiation can affect the donor stars by ionizing
the hydrogen at the base of the irradiated surface layer, thereby disrupting the surface
convection zone. In that case the star tends to expand to a new thermal-equilibrium
radius (Podsiadlowski, 1991), with more dramatic expansion as the total stellar mass
is decreased and the fractional mass in the surface convection zone is increased. When
the irradiation of the donor becomes important, this leads to episodic or cyclic mass
transfer events which are characterized by short episodes of enhanced mass transfer
and long detached phases (Hameury et al., 1993; Harpaz & Rappaport, 1994).
The X-ray flux at the position of the donor star can be computed as S = L, 2
where a is the orbital separation between the NS and the donor star. An irradia-
tion temperature higher than the characteristic ionization temperature for hydrogen
(104 K) would trigger the irradiation-induced mass-transfer cycles, which requires
the X-ray flux at the location of the donor star to be higher than a critical flux of
~ 1011 ergs s-1 cm-2 (Podsiadlowski, 1991; Hameury et al., 1993). In our "after-the-
fact" algorithm for donor star irradiation, we also require the surface of the donor
to be convective, in order to trigger the irradiation-induced mass-transfer cycles.
Whether the systems are subject to this effect is indicated in the Porb - M2 plane in
Figure 6-12. Green was assigned to the "stable" locations, i.e., all tracks passing these
points would not be subject to irradiation-induced mass-transfer cycles. Red was as-
signed when all tracks passing through a given point would have irradiation-induced
mass-transfer cycles. A yellow pixel indicates the combination of both "stable" and
"unstable" tracks at this location in the Porb - M2 diagram.
We see from Figure 6-12 that all tracks are subject to the irradiation-induced
mass-transfer cycles, with the exception of the large green region in the middle, and
some ultracompact tracks. For essentially all points in Figure 6-12, the X-ray flux
at the position of the donor star reaches the critical flux. However, the irradiation-
induced donor star mass-transfer cycles are prevented by a radiative envelope that
develops in some systems (especially the ultracompacts).
During the irradiation cycles, the donor star tends to have a larger thermal-
equilibrium radius. The swelling of the donor star can cause large increases in both
the orbital period and A 2 . Consequently, the first of these could potentially explain
the discrepancy in orbital periods between the observed radio pulsars and the CV-
like tracks produced in our evolutionary study, while the second effect might lead to
episodes of super-Eddington accretion and hence less massive neutron stars. These
hypotheses should be investigated in future studies with a stellar evolution code that
is capable of handling the heating of donor stars by X-rays.
In the driver code for orbital evolution we do not consider the spin angular mo-
mentum of the neutron star, since it is negligible compared to the angular momentum
of the binary system itself. However, the so-called "propeller" effect could prevent
the neutron star from accreting mass even if the mass-transfer rate is sub-Eddington.
When the accretion flow passes the "magnetosphere radius" Rm, at which the ram
pressure of the accretion flow equals the magnetic pressure, the accreted material
would be constrained to corotate with the magnetic field. The magnetosphere radius
is determined by the magnetic field strength of the neutron star and the mass transfer
rate. The value of Rm for a Shakura & Sunyaev accretion disk (Burderi et al., 1998,
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Figure 6-12. Regions in the Porb - M 2 plane subject to irradiation donor mass-
transfer cycles. A green pixel indicates that all tracks passing this pixel are not
subject to the irradiation-induced mass-transfer cycles. A red pixel indicates that all
tracks passing this pixel are subject to the irradiation-induced mass-transfer cycles.
Yellow pixels indicate a combination of both possibilities.
e.g.,) is given by
Rm = 1.1 R-2/ 7L72/ 7M 1s7 km, (6.7)
where L 37 is the accretion luminosity in units of 1037 ergs s-', MNS is the NS mass in
solar masses, R6 is the NS radius in units of 106 cm, and A26 is the magnetic moment
of the NS in units of 1026 G cm3 (= BR 3 , with R and B, the NS radius and surface
magnetic field along the magnetic axis, respectively). Within the magnetosphere
radius, the accretion flow is forced to corotate with the NS. Accretion onto a spinning
magnetized NS is centrifugally inhibited once Rm lies outside the corotation radius
ReO, the radius at which the Keplerian angular frequency of the orbiting matter is
equal to the NS spin: RcO = 1.5M 1ssp2/3 km, where P is the spin period in units of
"milliseconds". When Rm equals Rco, further spinup of the neutron star would cause
the corotation radius to become smaller than the magnetosphere radius, so that the
matter attempting to accrete might be ejected from the system. This action would,
in turn, spin down the NS. If Rm becomes < Rco, accretion onto the NS would resume
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Figure 6-13. The equilibrium NS spin that can be achieved by accretion. This
depends on the NS magnetic field and accretion rate (see Equation 6.8 in the text).
Cyan represents Ppin > 100 ms, while green, yellow, orange and red corresponds to
Pspin in the ranges 20 - 100 ms, 6 - 20 ms, 3 - 6 ms, and < 3 ms, respectively. The
magnetic fields are assumed to decay exponentially (see text for details). The left
panel is associated with a characteristic decay timescale of r = 100 Myr, while the
right panel is associated with a longer decay timescale of T = 300 Myr.
and the NS would be spun up. Therefore, there is an equilibrium spin period for an
accreting NS, determined by its magnetic field strength and the mass transfer rate:
Peq = 0.9 M- 5/7R -3/ 7L 3/7 7 ns. (6.8)NS 6 37 26 S
The magnetic field strength is the biggest uncertainty in estimating the equilib-
rium spin period. Although there may be little or no decay in the magnetic fields of
solitary radio pulsars (Bailes, 1989), there is a whole range of magnetic field strengths
from young pulsars (~ 1012 G) to millisecond pulsars (~ 108 G), suggesting the
magnetic field strength can be reduced by the accretion process itself (see Lyne &
Graham-Smith, 2006, for a review) as well as via simple decay with time. There is
substantial evidence that the decay of NS magnetic fields must be at least in part
associated with the accreted mass (see, e.g., Shibazaki et al., 1989; Romani, 1990;
Kiel et al., 2008). Currently there is no agreement on (i) how the NS magnetic field
decays with time and accreted mass, (ii) what is the characteristic decay timescale,
and/or (iii) how much accreted mass is required to suppress the surface magnetic field.
In this work, we assume that the NS magnetic field exponentially decays with time
from an original field of 1012 G to a lowest value of 108 G; Bt = Boe-t/7 + Bf, where
Bo = 1012 G, Bf = 108 G, and T is the characteristic magnetic field decay timescale.
We have explored multiple characteristic decay timescales, including T = 100 Myr
and T = 300 Myr.
Assuming the neutron star initially spins very slowly, for each time step along
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the evolution tracks, we calculated both the equilibrium spin period of the NS and
the shortest spin period that can be achieved by the total accreted mass and angular
momentum for that magnetic field. The true spin period likely lies between these two
values and we took the larger value as an indication of the NS spin period at that
point in its evolution. For each point in the Porb - M2 plane, we calculate via the
above prescription the average spin period of all the tracks passing the point and color
code it according to the average spin. We found that the neutron stars can be spun
up very efficiently during the early stages of accretion and reach their equilibrium
spin periods. We can see from Figure 6-13, compared to a slower magnetic decay
(T = 300 Myr), a faster decay (T =100 Myr) allows more neutron stars to spin up
to become millisecond pulsars (Ppin < 3 ms). Millisecond pulsars can be found in
giant systems, CV-like systems, and ultracompact systems for r = 100 Myr, while
millisecond pulsars can only be found in ultracompact systems for T= 300 Myr. The
propeller effect would spin down the neutron stars toward the end of binary evolution
due to the low NS accretion rate.
Once a neutron star can turn on as a millisecond pulsar, it may prevent any further
accretion (see, e.g., Burderi et al., 2001) and thereby limit the growth of the neutron
stars. This might alleviate the problem of the overproduction of massive neutron
stars that we have discussed
6.5 Summary and Conclusions
We have used MESA to compute a large grid of 42,000 binary evolution models for
LMXBs and IMXBs. We showed a wide range of possible evolutions, from systems
which attain orbital periods as short as 6 minutes to those which grow to long-
period binaries with giant donor stars. We discussed the detailed evolution of binaries
with a giant donor star in a wide orbit in a previous paper, in which we focused
on the evolutionary paths to the newly discovered binary radio pulsar system that
contain a massive NS, PSR J1614-2230. In this work we have presented a more
comprehensively study of all types of LMXB evolutions, the end-stage products of
these evolutions, and some possibly important effects that might potentially affect
the binary evolutions under certain conditions.
All types of observed neutron star binary systems, including LMXBs, binary radio
pulsars in globular cluster, and binary radio pulsars in the galactic plane, can be
found in our evolutionary studies. The binary systems which initially have Prb
larger than the bifurcation period (see Figure 6-3) would eventually evolve to the
systems containing giant donor stars in wide orbits. The systems which initially
have Porb smaller than the bifurcation period would eventually evolve to CV-like
systems. Finally, the systems initially have Porb in a very narrow range around the
bifurcation period would evolve to the ultracompact systems with orbital periods
of 6 - 50 minutes. Among all the tracks in our evolutionary study, only < 1%
are ultracompact systems. This percentage is significantly less than the observed
percentage of ultracompact systems among all LMXBs with measured Porb (~ 14%).
With current techniques, LMXBs containing millisecond pulsars are more probable to
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have their orbital periods measured. However, this selection effect is still insufficient
to address this issue, since the percentage of ultracompact systems among all LMXBs
would be - 5% (10 out of 187), which is still one order of magnitude higher than the
percentage produced in our study.
We found that the final NS mass distribution at the end of the binary evolutions
are determined by the mass retention factor. A 90% mass retention factor would lead
to the production of too many NSs growing to masses higher than 3MO and eventu-
ally collapsing to low-mass black holes. This is not consistent with the observations;
if such low-mass black holes form in significant numbers in LMXBs that are still un-
dergoing mass transfer, they would be directly detected by their accretion. However,
there is no evidence for LMXBs with low-mass black holes (Farr et al., 2010; Ozel
et al., 2010). Therefore, we conclude that the NS binary evolutions must be rather
non-conservative. We discussed various effects that are not included in our driver
code for evolving binary orbits which might result in the mass loss from the binary
systems. Irradiation-induced mass-transfer cycles mostly affect the CV-like tracks
and ultracompact systems near the end of their evolutions. The X-ray irradiation in-
duced super-Eddington mass transfer rate would result in significant mass loss from
the system. Additionally, the X-ray heating on the donor star would lead to episodes
of larger thermal-equilibrium donor radii and consequently wider orbits, which might
account for the discrepancy in final orbital periods between the observed radio pulsars
and the tracks in our evolutionary study. With a proper X-ray heating function in the
stellar evolution code, this effect can be better studied, and we plan to do that in our
future work. Additionally, accretion might be prohibited by a rapidly spinning NS
with a magnetic field ,> 10' G, especially when the mass accretion rate becomes low
later in the evolution. This is called "propeller" effect (Illarionov & Sunyaev, 1975).
It is not totally clear whether the matter pushed away from the NS would eventually
fall back onto the NS surface when it is rotating near the equilibrium spin period,
which is achieved by most systems shortly after the mass transfer begins. The equi-
librium spin period, and how soon it could be achieved depends on the magnetic field
decay model, on which there is not any robust conclusions in the current literature.
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Chapter 7
Summary
In this thesis, I presented various topics that are related to the observational and
theoretical evolutionary studies of neutron stars in binary systems. Chapter 2-4
cover the X-ray observations and data analysis methodologies (spectral and timing),
while Chapter 5 & 6 focus on modeling the evolution of neutron star binary systems.
The techniques discussed in this thesis can be utilized to investigate the neutron star
M - R relation and to understand how neutron stars gain mass via accretion in binary
systems.
We presented our spectral and timing analysis for three recent XMM-Newton
observations of the eclipsing neutron star 4U 2129+47 in Chapter 2. We found that
the hard power-law tail in its spectrum faded away during its cooling over half a
decade. This was accompanied by the disappearance of the sinusoidal modulation in
its light curve. This supports the idea that the power-law component might be due
to the interaction of pulsar wind and the residual accretion flow (Campana et al.,
1998). Moreover, the quiescent emission with only a thermal component allows us
to estimate the neutron star radius since the source is not observed to be subject
to any thermal component variabilities detected in other LMXBs (Rutledge et al.,
1999, 2002; Cackett et al., 2010). Our timing analysis also supports the previous
suggestion that 4U 2129+47 might be in a hierarchical triple system with a third
body having period of at least 175 days, but cannot be uniquely determined with the
current observations. We therefore conclude that, in order to accurately determine
the orbital period of the third body, further observations are required. Such future
observations could also provide further constraints on the neutron star radius.
In Chapter 3, we presented our calculation of the amplitude of the burst oscil-
lations and the width of spectral absorption lines emerging from the surface of the
rapidly rotating (552 Hz) neutron star in EXO 0748-676 for a wide range of model
parameters. We show that no combination of neutron-star and geometric parameters
can simultaneously reproduce the narrowness of the absorption lines (AA/A = 0.018,
see, e.g., Cottam et al., 2002; Villarreal & Strohmayer, 2004), the high amplitude of
the oscillations (15%, Galloway et al., 2010), and the observed flux at the time the
oscillations were detected. This leads to the conclusion that the observed absorption
lines are unlikely to originate from the surface of this neutron star. Consequently,
the identification of these lines with particular atomic transitions, the measurement
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of the surface gravitational redshift, and constraints on the neutron star mass and
radius, are all questionable.
In addition to the above spectral analyses, in Chapter 4, we presented our timing
analysis methodology for evaluating the significance of Fourier power signals which
are subject to two effects: the instrumental dead-time, and variations in count rates
during a type-I X-ray burst. Corrections to the noise power distribution can be carried
out by our semi-simulative method. We also applied this technique within a catalog
of 1187 Type-I X-ray bursts, in order to find high frequency oscillation signals that
might be due to high frequency oscillation modes. Our results show that the existence
of such signals is not evident in the archived observations.
In Chapter 5 & 6, we presented our binary evolution study of LMXBs and IMXBs.
With the newly developed stellar evolution code "MESA" and a driver code for orbital
evolution, we have computed an extensive grid (42,000 models) of binary evolution
tracks originating from a wide range of initial masses and orbital periods. These
models started with a neutron star in circular orbit with a main sequence star with
orbital periods spanning 10 - 250 hrs and donor masses ranging from 1 - 4 MO.
In Chapter 5, our emphasis was on the evolution of a specific binary radio pulsar
with the largest precisely measured neutron star mass (PSR J1614-2230), and more
generally on LMXBs that evolve to orbital periods longer than ~ a day. In Chapter 6,
we focused more on the evolutions leading to shorter orbital periods (CV-like and
ultracompact systems). We also go into more details about the binary stellar evolution
calculations. Neutron stars as massive as 1.97 Mo can be produced in our evolutionary
study. One problem that we have identified in our evolutionary study is that neutron
stars with unphysically large masses, e.g., neutron stars with M > 2.3, Me are over
populated compared to the number of observed low-mass black holes. Therefore,
we explored some of the physical effects that might affect the binary evolution and
prevent the neutron stars from growing too much in mass. These include accretion
disk instability, irradiation-induced donor star mass transfer cycles, and "propeller"
effect in magnetized neutron star accretion. These effects should be included in our
future evolutionary studies.
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Appendix A
Flux Error Bars
It is impossible to uniquely invert the (imperfectly known) X-ray detector response
matrices to yield a completely model-independent, yet accurate, estimate of the de-
tected flux for an observed source. This also leads to difficulties in deriving error bars
for any estimate of the flux. Here we use the fact that the "deconvolved flux" is a
reasonably close estimate of the "model flux" to estimate the error bars on this latter
quantity as presented in Table 2.2. Specifically, we define the "deconvolved photon
flux" in a PHA channel h as
F(h) T C(h) - B(h)f R(E, h)A(E) dE (A.1)
where C(h) - B(h) are the background subtracted counts in channel h, T is the
observation integration time, R(E, h) is the detector response matrix, and A(E) is
the detector effective area. (See Davis 2001 for a more in depth discussion of the
meanings of these terms.) This is the same deconvolution used to create Figure 2-
3, and it is independent of assumed model. The deconvolved energy flux in a given
band is then determined by multiplying the above photon flux by the midpoint energy
of the PHA bin (determined from the EBOUNDS array of the response matrix), and
summing over the channels within the given energy band of interest. The error is
determined from the sum in quadrature of the error from each non-zero bin, which in
turn is determined from the counting statistics of the source and background.
This flux estimate can be compared to the model photon flux, which is determined
by integrating the best-fit model over the energy band of interest. For all the models
considered in this paper, these two estimates agree to within 3% when applied to
the absorbed 0.5-2keV flux and agree to within 9% when applied to the absorbed
0.5-10 keV flux. We therefore use the model flux as our flux estimate; however, we
use the deconvolved flux error bars, scaled by the ratio of model to deconvolved flux,
as the estimate of our flux errors. Note that with this definition it is possible for the
0.5-10 keV flux to have a -1I- bound below that of the 0.5-2 keV flux. This might be
indicative of unmodeled flux in the 3-10 keV band; however, we lack the statistics to
describe the flux in this band with any degree of accuracy. From this point of view,
the flux estimate with the least amount of systematic uncertainty is the 0.5-2 keV
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absorbed flux.
When determining the statistical errors on the unabsorbed flux, we further scale
the above error estimates by the energy-dependent ratio of the unabsorbed to ab-
sorbed model flux. The systematic error bars on the unabsorbed fluxes are then
determined individually for each spectral model. We freeze the fitted value of the
neutral column at its tlo- limits, refit the spectra, and then determine the fluxes as
described above. The deviations of the unabsorbed fluxes at these two absorption
limits compared to the flux obtained when using the best-fit parameter values are as-
signed as the systematic error bars. Note that such systematic errors are for a given
model, and do not reflect the systematic errors on the unabsorbed fluxes obtained
from comparing different assumed spectral models.
For the cases of fitting the spectra with a blackbody and a power law, we employ
one other estimate of the flux error bars for the individual model components. ISIS
allows one to set any given parameter to be an arbitrary function of any other set
of fit parameters. It therefore was straightforward to recast the spectral fit from de-
pendence upon blackbody normalization and temperature to dependence upon unab-
sorbed 0.5-10keV blackbody flux and temperature (i.e., the blackbody normalization
can be written as a function of those two parameters). Likewise, the power-law fit
parameters were recast to depend upon unabsorbed 0.5-10keV flux and power-law
slope. We thus were able to use direct fitting methods to generate the error contours
shown in Figure 2-4.
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